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Core-Collapse Supernovae

宇宙で最も激しい爆発現象の一つ

Eexp～1051 erg

Egrav～1053 erg (～0.1 M⦿ c2)

Eν～1053 erg

中性子星／ブラックホール形成

ガンマ線バースト形成

✤ 物理学における既知のすべての相互作用が重要

•Microphysics
weak interaction

neutrino physics
nuclear physics

equation of state of dense matter

•Macrophysics
gravitation

core collapse
electro-magnetic field

pulsar, magnetar,
magnetorotational explosion
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初期質量　　　　の星：中心に鉄コア形成

電子捕獲反応、鉄の光分解反応→鉄コア崩壊

核密度を超えると状態方程式が硬くなる→core bounce

コア表面で衝撃波形成、伝搬→外層を吹き飛ばせればいい(“prompt 
explosion”)

Supernova scenario
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Neutrino heating mechanism
neutrino cooling (electron capture) rate:

neutrino heating (neutrino capture) rate:

gain radius: 

heating between gain radius and shock:

shock revival by neutrino heating

　　　　“delayed explosion”

Q−ν ∝ T 6 ∝ r−6

Q+
ν ∝ Lνr−2 ∝ r−2

PNS

shock front

gain radiusQ−ν = Q+
ν

Lν,heat ∼ 3× 1051erg s−1
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Current status of 1D: fail to explode
Rammp & Janka 00

Sumiyoshi+ 05Thompson+ 03

Liebendörfer+ 01

state-of-the-art simulations do not obtain explosion!

5

~100 km
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Multi-D simulations

6
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Figure 12. Four snapshots from the evolution of our 11.2 M! explosion model at times t = 230 ms, 250 ms, 275 ms, and 303 ms after core bounce. The figures contain
the same features as shown in Figure 4.
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Figure 13. Mass (top left), neutrino-heating rate (top right), heating efficiency (bottom left), and heating and advection timescales (bottom right) in the gain layer as
functions of time for our 11.2 M! explosion model.

this translates into accretion rams that are very different from
model to model. Table 1 demonstrates another consequence: the
SASI shock frequencies vary by more than a factor of 2.5 from
progenitor to progenitor and there is a one-to-one relationship
between the Ṁ and the SASI frequency. We have Fourier ana-
lyzed the shock position, and it is the dominant frequencies that
are listed in Table 1, along with the average accretion rates and
average shock radii during the nonlinear SASI phase before ex-
plosion. Oscillation frequencies from !30 to !80 Hz are seen,
and these are inversely proportional to the average radius of the
stalled shock (in Table 1, from !120 to !250 km). As might
have been expected, the monotonicity is with Ṁ and the shallow-
ness of the density profile, and not the progenitor ZAMS mass.
The oscillation periods implicit in Table 1 are approximately the
sound-travel times across the shocked regions. Note that this is not
a statement about the growth timescale of the SASI, which is very
different and is not the sound-travel time (Foglizzo et al. 2006).
For the smaller average shock radii that we obtain when the
Ṁ values are larger, this translates into the higher oscillation
frequencies for those models. This is in contrast to the similarity
we see in the core g-mode frequencies for the various progen-
itors: at a given epoch this frequency ranges only modestly from

model to model and, for our Newtonian calculations, the ‘ ¼ 1
mode sticks within !30% of !300 Hz.

As we show in Table 1, the average shock radius during the
SASI phase is smaller for those progenitors with the highest
postbounce mass accretion rates. The 25M# model of WHW02
is an example of a massive star progenitor with such a high rate.
As demonstrated in Ott et al. (2006b), this model manifests not
only ‘ ¼ 1 core oscillations, but significant ‘ ¼ 2 core oscilla-
tions as well. The latter are responsible for the strong gravitational
radiation signature of this published model. Such strong ‘ ¼ 2
core oscillations are more easily excited if the outer SASI shock
oscillations have a strong ‘ ¼ 2 component as well. Foglizzo et al.
(2007) have recently performed an analytic stability and growth
rate analysis of the SASI and find that those models with the
smallest ratio between the shock radius and the inner core ra-
dius should experience stronger ‘ ¼ 2 SASI growth. The more
detailed 2D radiation/hydrodynamic simulations reported in this
paper and in Ott et al. (2006b) for the 25M#model, with its more
compact shock configuration, tend to bear out these findings.
Progenitors with larger Ṁ values result in smaller shock/core ra-
dius contrasts, higher SASI frequencies, and larger growth rates
for the ‘ ¼ 2 modes of both the SASI and the core oscillation.
The strong ‘ ¼ 2 core mode can result in prodigious gravitational
radiation signatures (Ott et al. 2006b) of the associated supernovae
and of black hole formation,which itselfmay be the result of large
Ṁ values.

In the left panel of Figure 7, the evolution of the net neutrino
energy deposition in the gain region versus time after bounce is
portrayed for five representative progenitormodels fromWHW02.
There is a strong dependence of this power on Ṁ . However, these
numbers are relevant only after explosion commences and in-
fall transitions into outflow. Before that, the net neutrino energy
deposition for a given Lagrangean mass element changes sign
as the settling mass element encounters the inner cooling re-
gion just exterior to the neutrinospheres. Hence, it is when these
powers start to decrease due to the reduction of the neutrino lu-
minosities caused by the decrease in Ṁ on explosion that neu-
trino heating can contribute to the explosion energies, and it does
so in a transient fashion. As Figure 7 shows, the net effect of

Fig. 6.—Entropy color map for the 11.2 M# (left) and 20 M# (right) models of WHW02. Times after bounce are indicated in the lower left corner of each panel.
The vector length has been saturated at a value of 10,000 km s$1, relevant only for the infalling matter exterior to the shock.

TABLE 1

SASI Frequency versus Accretion Rate and Shock Radius

WHW02 Model Mass
(M#)

Frequency
(Hz)

Ṁ

(M# s$1)
hRshocki
( km)

11.2....................................... 32 0.08 250

13.......................................... 47 0.25 175

15.......................................... 73 0.7 130

20.......................................... 63 0.3 155
25.......................................... 80 0.8 120

Notes.—hRshocki is the average shock radius after the SASI becomes non-
linear, but before explosion. The SASI frequency given is for the dominant shock
oscillation component during this same time interval. Ṁ is near the average ac-
cretion rate onto the protoYneutron star through a radius of 500 km during this same
phase.

ACOUSTIC MECHANISM OF CORE-COLLAPSE SN EXPLOSIONS 421No. 1, 2007

Class. Quantum Grav. 27 (2010) 194005 K N Yakunin et al

Figure 1. Left: entropy distribution at 244 ms after bounce for the 15 M! model. A large,
low-entropy (blue–green) accretion funnel at an angle quasi-orthogonal to the symmetry axis and
high-entropy (yellow–orange–red) outflows below the shock, along the symmetry axis, are evident.
Right: shock radius as a function of time for three regions: the north pole (solid blue), the equatorial
plane (dotted black) and the south pole (dashed red).

Waveforms covering the first three of four phases (prior to explosion) have been computed
by Marek et al [22], and waveforms covering all four phases and based on parameterized
explosions were reported in the work of Murphy et al [23]. The overall qualitative character of
the GW signatures shown in [23] reflects what is shown in figure 2. The work presented here
takes the natural next step beyond this earlier foundational work. A more precise prediction
of the GW amplitudes and the timescales associated with each of the four phases requires
a non-parameterized approach. Even in the case of a non-parameterized approach, prior to
evidence of an explosion it is difficult to assess whether or not the amplitudes and timescales
are well determined. Thus, the non-parameterized explosion models studied here enable us
to predict all four phases of the GW emission and their amplitudes and timescales with some
confidence.

The prompt signal is generated by two independent phenomena: prompt convection inside
the proto-neutron star (PNS) generates a high-frequency signal that is superimposed on a lower
frequency component, seen in the insets of figure 2. There is a hint of this in the inset of
figure 3, where the signal for our 15 M! run has been split into the contributions from two
different regions, but it is in the tracer analysis of figure 4 (right) where this becomes evident.
The matter-generated GW (solid red) is closely tracked by the GW generated by the infalling
tracer particles deflected by the shock (dashed blue), some of which are shown in the left
panel. The low-frequency signal from 20 to 60 ms after bounce originates at the shock radius,
which is at ∼100 km at this time and well outside the PNS. In the past, authors attributed the
prompt signal to convection only [22, 23].

The quiescent stage corresponds to the period after prompt convection has ceased and
prior to the development of neutrino-driven convection and the SASI. It is followed by a strong
signal produced by the development of both. The strong signal is dominated by SASI-induced
funnels impinging on the PNS surface. It shows evidence of two components (also described
in [22, 23]). The low-frequency component arises from the modulations in the shock radius
as the SASI develops and evolves. The right panel of figure 1 shows the first cycle of this
modulation at 175 ms with the maximum (minimum) of the north (south) pole radius and at
about 210 ms with the reverse situation. The high-frequency component is generated when
the SASI-induced accretion flows strike the PNS (figure 1, left). The shock modulations
affect the kinetic energy of the accretion flows and, consequently, the amplitude of the GWs
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Fig. 3. Snapshots of the density (left half) and the entropy (right half) for models M13-2D (left panel) and M13-rot (right panel) at the epoch when the
shock reaches to 1000 km, corresponding to !470 ms after a bounce in both cases.

Fig. 4. Time evolution of the diagnostic energy versus postbounce
time for 2D models with and without rotation.

the 2D models with and without rotation. Although the diag-
nostic energies depend on the numerical resolutions quantita-
tively, they show a continuous increase for the rotating models.
The diagnostic energies for the models without rotation, on the
other hand, peak at around 180 ms when the neutrino-driven
explosion sets in (see also figure 1), and show a decrease later
on. With values of order 1049 erg it is not yet clear whether
these models will also eventually lead to an explosion.

The reason for the greater explosion energy for models with
rotation is due to the bigger mass of the exploding material.
This is because a north–south symmetric (` = 2) explosion can
expel more material than a unipolar explosion can. In fact,
the mass enclosed inside the gain radius is shown to be larger
for the rotating models (e.g., table 1). The explosion energies

when we terminated the simulation were less than .1050erg for
all of the models. For the rotating models, we are tempted to
speculate that they could become as high as ! 1051 erg within
the next 500 ms by a linear extrapolation. However, in order
to unquestionably identify the robust feature of an explosion
in the models, a longer-term simulation with improved input
physics would be needed.

Our numerical results are qualitatively consistent with the
results of Marek and Janka (2009) in the sense that in
a relatively early postbounce phase the model with rotation
shows a more clear trend of explosion than the nonrotating
models do.

4. Summary and Discussion

Performing 2D core-collapse simulations of a 13 Mˇ star
with spectral neutrino transport via the isotropic diffusion
source approximation, we found a strong dependence of the
expansion of the shock radius and the likelihood for an explo-
sion on the initial rotation rate. In all cases the shock was
driven outward by the neutrino-heating mechanism aided by
multi-D effects, such as the SASI and convection. We have
shown a preponderance of a bipolar explosion for 2D models
with rotation. We have pointed out that the explosion energy
can become larger for models with bipolar explosions.

The conclusion with respect to the effects of rotation
obtained in this study differs from that of Marek and Janka
(2009), who suggested that the rotation has a negative
impact on the explosion. They obtained the expansion of
the shock wave only for the rotating model (M15LS-rot),
while the nonrotating model did not show an expansion due
to the short simulation time (see figure 6 in their paper).
Therefore, because they could not compare the expanding

衝撃波は1000kmを突破。
マイナーな進歩に見えるかもしれないが、すでに
鉄コアは出ているので、ラム圧は急速に落ちる。
この衝撃波は膨張し続けると考えられる。

Burrows+ 06 Marek & Janka 09

Yakunin+ 10Suwa+ 10
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Convectively unstable regions

PNS convection
induced by negative Yl gradient due to 
neutrino cooling

Neutrino-driven convection
induced by negative entropy gradient due to 
neutrino heating

530 H.-Th. Janka: Conditions for shock revival by neutrino heating in core-collapse supernovae

Fig. 1. Sketch which summarizes the processes that determine
the evolution of the stalled supernova shock after core bounce.
Stellar matter falls into the shock at radius Rs with a mass ac-
cretion rate Ṁ and a velocity near free fall. After deceleration
in the shock, the gas is much more slowly advected towards the
nascent neutron star through the regions of net neutrino heat-
ing and cooling, respectively. The radius Rns of the neutron
star is defined by a steep decline of the density over several or-
ders of magnitude outside the neutrinosphere at Rν . Heating
balances cooling at the gain radius Rg. The dominant processes
of energy deposition and loss are absorption of electron neutri-
nos onto neutrons and electron antineutrinos onto protons as
indicated in the figure. Convective overturn mixes the layer be-
tween gain radius and shock, and convection inside the neutron
star helps the explosion by boosting the neutrino luminosities

shock position, shock radius, and properties of the gain
layer as functions of time by solving an initial value prob-
lem. A summary and conclusions will follow in Sect. 10.

2. Physical picture

Right after core bounce the hydrodynamic shock propa-
gates outward in mass as well as in radius, being strongly
damped by energy losses due to the photodisintegration
of iron-group nuclei and neutrinos. The neutrino emis-
sion rises significantly when the shock breaks out into the
neutrino-transparent regime. As a consequence, the pres-
sure behind the shock is reduced and the velocities of the
shock and of the fluid behind the shock, both of which
were positive initially, decrease. Finally, the outward ex-
pansion of the shock stagnates, and the shock transforms
into a standing accretion shock with negative gas velocity
in the postshock region. The gas of the progenitor star,
which continues to fall into the shock at a velocity near
free fall, is decelerated abruptly within the shock. Below
the shock it moves much more slowly towards the center,
where it settles onto the surface of the nascent neutron
star.

Figure 1 displays the most important physical elements
which determine this evolutionary stage. Around the neu-
trinosphere at radius Rν , which is close to the radius Rns of
the proto-neutron star (PNS), the hot and comparatively
dense gas loses energy by radiating neutrinos. If this en-
ergy sink were absent, the gas that is accreted through the
shock at a rate Ṁ would pile up in a growing, high-entropy

atmosphere on top of the compact remnant (Colgate et al.
1993; Colgate & Fryer 1995; Fryer et al. 1996). But since
neutrinos are emitted efficiently at the thermodynami-
cal conditions around the neutrinosphere, the entropy of
the gas is reduced so that the gas can be absorbed into
the surface of the neutron star. The mass flow through the
neutrinospheric region is therefore triggered by the neu-
trino energy loss and allows more gas to be advected in-
ward from larger radii. In case of stationary accretion the
temperature at the base of the atmosphere ensures that
the emitted neutrinos carry away the gravitational binding
energy of the matter which is added to the neutron star at
a given accretion rate. In fact, this requirement closes the
set of equations that determines the steady state of the
accretion system and allows one to determine the radius
Rs of the accretion shock (see, e.g., Chevalier 1989; Brown
& Weingartner 1994; Fryer et al. 1996).

At the so-called gain radius Rg (Bethe & Wilson 1985)
between neutrinosphere Rν and shock position Rs, the
temperature of the atmosphere becomes so low that the
absorption of high-energy electron neutrinos and antineu-
trinos starts to exceed the neutrino emission. This radius
therefore separates the region of net neutrino cooling be-
low from a layer of net heating above. Since the neutrino
heating is strongest just outside the gain radius and the
propagation of the shock has weakened before stagnation,
a negative entropy gradient is built up in the postshock
region. This leads to convective overturn roughly between
Rg and Rs, which transports hot matter outward in rising
high-entropy bubbles. At the same time cooler material is
mixed inward in narrow, low-entropy downflows (Herant
et al. 1994; Burrows et al. 1995; Janka & Müller 1996).
Inside the nascent neutron star, below the neutrinosphere,
convective motions can enhance the neutrino emission by
carrying energy faster to the surface than neutrino diffu-
sion does (Keil et al. 1996).

Between neutrinosphere and the supernova shock a
number of approximations apply to a high degree of accu-
racy, which help one developing a simple analytic under-
standing of the effects that influence the evolution of the
supernova shock. Figure 2 shows schematically the pro-
files of density, temperature and mass accretion rate in
that region. A formal discussion follows in the subsequent
sections. Outside the neutrinosphere (typically at about
1011 g/cm3) the temperature drops slowly compared to
the density decline, which is steep. When nonrelativistic
nucleons dominate the pressure, the decrease of the den-
sity yields the pressure gradient which ensures hydrostatic
equilibrium in the gravitational field of the neutron star.
Assuming a temperature equal to the neutrinospheric tem-
perature in this region is a reasonably good approximation
for the following reasons. On the one hand, the cooling
rate depends sensitively both on density and temperature,
and the density drops rapidly. Therefore the total energy
loss is determined in the immediate vicinity of the neutri-
nosphere and the details of the temperature profile do not
matter very much. On the other hand, efficient neutrino
heating prevents that the temperature can drop much

Janka 01
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How convection aids explosion?

PNS convection
✓ 球対称: ニュートリノは散乱の時間スケール
で放出される

✓ 対流によって、ニュートリノが効率よく
ニュートリノ球の外に運ばれる

Neutrino-driven convection
✓冷たい物質は下へ
✓暖かい物質は上へ 
 => 物質は長い時間加熱領域に留まる

PNS

spherical convection

gain 
radius

shock

ν ν
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Standing Accretion Shock Instablity
Non-radial, non-local low-mode (l=1,2) instability of flow behind standing 
accretion shock 

ShockPNS

Acoustic wave

SASI

Bolondon+ 2003, 2006

9
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爆発エネルギーが小さい（~1049-1050 erg）

降着が止まらない=中性子星ができない

Problems of 2D simulations

10
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Figure 10. Same as Figure 2 but for our two-dimensional explosion simulation of an 11.2 M! progenitor star. Note that the mass-shell spacing outside of the red
dashed line at an enclosed mass of 1.25 M! (marking the composition interface between the silicon layer and the oxygen-enriched Si shell) is reduced to steps of
0.0125 M! instead of 0.025 M!.

plane later than in the polar directions (see the panels for
t = 250 ms and 275 ms after bounce in Figure 12). Therefore
a wedgelike region around the equator remains for some time,
where silicon and sulfur are still present with higher abundances
between the shock and the oxygen layer, while the matter swept
up by the shock consists mostly of iron-group nuclei and α-
particles. The mass-shell plot of Figure 10, which is constructed
from the laterally averaged two-dimensional data at each radius,
is misleading by the fact that this preshock material appears to be
located behind the angle-averaged shock radius (at post-bounce
times 270 ms ! t ! 300 ms). We note that the penetration into
the oxygen-rich infalling shells, beginning at t ∼ 250 ms p.b.,
does not have any obvious supportive or strengthening effect on
the outgoing shock.

In Figure 13, we provide information about the conditions
and neutrino energy deposition in the gain layer of the 11.2 M!
model. As in the 15 M! case, the mass in the gain layer increases
when the shock begins its outward expansion. At the same
time, the infall (advection) timescale of matter between the
shock and the gain radius increases, but continues to be well
defined. Again, as in the 15 M! explosion model, this suggests
the presence of ongoing accretion of gas through the gain layer to
the neutron star (which can also be concluded from the continued
contraction of mass shells in this region in Figure 10). Shortly
after the (net) neutrino-heating rate has reached a pronounced
peak of about 7.5 × 1051 erg s−1 at t ≈ 70 ms, it makes
a rapid drop to around 3 × 1051 erg s−1. This decline is a
consequence of the decay of the neutrino luminosities at the
time when the mass infall rate onto the shock and the neutron
star decreases. The decrease occurs when the steep negative
density gradient (and positive entropy step) near the composition
interface between the silicon layer and the oxygen-enriched Si
layer of the progenitor star (near 1.3 M!) arrives at the shock (at
t ≈ 100 ms after bounce). Nevertheless, the heating timescale
shrinks essentially monotonically, which points to an evolution
of the matter in the gain layer toward an unbound state, i.e.,

0 100 200 300
0.0

0.5

1.0

1.5

2.0

200 300
0.0

0.5

1.0

1.5

2.0

2.5
ra

di
us

[1
03

km
]

time [ms]

ex
pl

os
io

n
en

er
gy

[1
049

er
g]

Figure 11. Left panel: mean shock radius (arithmetical average over all
lateral directions, dashed line) and maximum and minimum shock positions
as functions of post-bounce time for our two-dimensional explosion simulation
of an 11.2 M! progenitor. Right panel: “explosion energy” of the 11.2 M! star,
defined as the total energy (internal plus kinetic plus gravitational) of all mass
in the gain layer with positive radial velocity, as a function of post-bounce time.

the absolute value of the total gas energy in the numerator of
Equation (5) goes to zero.

3.4. Explosion Energy

In both our 11.2 M! and 15 M! explosions, the energy of
the matter in the gain layer with positive radial velocities
(“explosion energy”) reaches ∼2.5 × 1049 erg at the end of
the computed evolutions and rises with a very steep gradient
(Figures 9 and 11). Therefore, reliable estimates of the final
explosion energy cannot be given at this time. For that to be
possible, the simulations would have to be continued for many
hundred milliseconds more (which is numerically a challenging
task and currently impossible for us with the sophisticated
and computationally expensive neutrino transport and chosen
resolution). This is obvious from the neutrino-driven explosion

L52 Y. Suwa et al. [Vol. 62,

Fig. 3. Snapshots of the density (left half) and the entropy (right half) for models M13-2D (left panel) and M13-rot (right panel) at the epoch when the
shock reaches to 1000 km, corresponding to !470 ms after a bounce in both cases.

Fig. 4. Time evolution of the diagnostic energy versus postbounce
time for 2D models with and without rotation.

the 2D models with and without rotation. Although the diag-
nostic energies depend on the numerical resolutions quantita-
tively, they show a continuous increase for the rotating models.
The diagnostic energies for the models without rotation, on the
other hand, peak at around 180 ms when the neutrino-driven
explosion sets in (see also figure 1), and show a decrease later
on. With values of order 1049 erg it is not yet clear whether
these models will also eventually lead to an explosion.

The reason for the greater explosion energy for models with
rotation is due to the bigger mass of the exploding material.
This is because a north–south symmetric (` = 2) explosion can
expel more material than a unipolar explosion can. In fact,
the mass enclosed inside the gain radius is shown to be larger
for the rotating models (e.g., table 1). The explosion energies

when we terminated the simulation were less than .1050erg for
all of the models. For the rotating models, we are tempted to
speculate that they could become as high as ! 1051 erg within
the next 500 ms by a linear extrapolation. However, in order
to unquestionably identify the robust feature of an explosion
in the models, a longer-term simulation with improved input
physics would be needed.

Our numerical results are qualitatively consistent with the
results of Marek and Janka (2009) in the sense that in
a relatively early postbounce phase the model with rotation
shows a more clear trend of explosion than the nonrotating
models do.

4. Summary and Discussion

Performing 2D core-collapse simulations of a 13 Mˇ star
with spectral neutrino transport via the isotropic diffusion
source approximation, we found a strong dependence of the
expansion of the shock radius and the likelihood for an explo-
sion on the initial rotation rate. In all cases the shock was
driven outward by the neutrino-heating mechanism aided by
multi-D effects, such as the SASI and convection. We have
shown a preponderance of a bipolar explosion for 2D models
with rotation. We have pointed out that the explosion energy
can become larger for models with bipolar explosions.

The conclusion with respect to the effects of rotation
obtained in this study differs from that of Marek and Janka
(2009), who suggested that the rotation has a negative
impact on the explosion. They obtained the expansion of
the shock wave only for the rotating model (M15LS-rot),
while the nonrotating model did not show an expansion due
to the short simulation time (see figure 6 in their paper).
Therefore, because they could not compare the expanding
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Figure 10. Same as Figure 2 but for our two-dimensional explosion simulation of an 11.2 M! progenitor star. Note that the mass-shell spacing outside of the red
dashed line at an enclosed mass of 1.25 M! (marking the composition interface between the silicon layer and the oxygen-enriched Si shell) is reduced to steps of
0.0125 M! instead of 0.025 M!.

plane later than in the polar directions (see the panels for
t = 250 ms and 275 ms after bounce in Figure 12). Therefore
a wedgelike region around the equator remains for some time,
where silicon and sulfur are still present with higher abundances
between the shock and the oxygen layer, while the matter swept
up by the shock consists mostly of iron-group nuclei and α-
particles. The mass-shell plot of Figure 10, which is constructed
from the laterally averaged two-dimensional data at each radius,
is misleading by the fact that this preshock material appears to be
located behind the angle-averaged shock radius (at post-bounce
times 270 ms ! t ! 300 ms). We note that the penetration into
the oxygen-rich infalling shells, beginning at t ∼ 250 ms p.b.,
does not have any obvious supportive or strengthening effect on
the outgoing shock.

In Figure 13, we provide information about the conditions
and neutrino energy deposition in the gain layer of the 11.2 M!
model. As in the 15 M! case, the mass in the gain layer increases
when the shock begins its outward expansion. At the same
time, the infall (advection) timescale of matter between the
shock and the gain radius increases, but continues to be well
defined. Again, as in the 15 M! explosion model, this suggests
the presence of ongoing accretion of gas through the gain layer to
the neutron star (which can also be concluded from the continued
contraction of mass shells in this region in Figure 10). Shortly
after the (net) neutrino-heating rate has reached a pronounced
peak of about 7.5 × 1051 erg s−1 at t ≈ 70 ms, it makes
a rapid drop to around 3 × 1051 erg s−1. This decline is a
consequence of the decay of the neutrino luminosities at the
time when the mass infall rate onto the shock and the neutron
star decreases. The decrease occurs when the steep negative
density gradient (and positive entropy step) near the composition
interface between the silicon layer and the oxygen-enriched Si
layer of the progenitor star (near 1.3 M!) arrives at the shock (at
t ≈ 100 ms after bounce). Nevertheless, the heating timescale
shrinks essentially monotonically, which points to an evolution
of the matter in the gain layer toward an unbound state, i.e.,
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Figure 11. Left panel: mean shock radius (arithmetical average over all
lateral directions, dashed line) and maximum and minimum shock positions
as functions of post-bounce time for our two-dimensional explosion simulation
of an 11.2 M! progenitor. Right panel: “explosion energy” of the 11.2 M! star,
defined as the total energy (internal plus kinetic plus gravitational) of all mass
in the gain layer with positive radial velocity, as a function of post-bounce time.

the absolute value of the total gas energy in the numerator of
Equation (5) goes to zero.

3.4. Explosion Energy

In both our 11.2 M! and 15 M! explosions, the energy of
the matter in the gain layer with positive radial velocities
(“explosion energy”) reaches ∼2.5 × 1049 erg at the end of
the computed evolutions and rises with a very steep gradient
(Figures 9 and 11). Therefore, reliable estimates of the final
explosion energy cannot be given at this time. For that to be
possible, the simulations would have to be continued for many
hundred milliseconds more (which is numerically a challenging
task and currently impossible for us with the sophisticated
and computationally expensive neutrino transport and chosen
resolution). This is obvious from the neutrino-driven explosion

No. 6] Explosion Geometry of Supernovae L51

essential for an increased efficiency of the neutrino heating
in multi-D models.

A more detailed analysis of the timescale is shown in
figure 2. The right half shows !adv=!heat, which is the ratio
of the advection to the neutrino-heating timescale. For the
2D model (right panel), it can be shown that the condition of
!adv=!heat & 1 is satisfied behind the aspherical shock, which
is deformed predominantly by the SASI, while the ratio is
shown to be smaller than unity in the whole region behind the

Fig. 1. Time evolution of Models M13-1D and M13-2D, visualized
by mass shell trajectories in thin gray and orange lines, respectively.
Thick lines in red (for model M13-2D) and black (for model M13-1D)
show the position of shock waves, noting for 2D that the maximum
(top) and average (bottom) shock positions are shown. The red dashed
line represents the position of the gain radius, which is similar to the
1D case (not shown).

spherical standing accretion shock (left panel:1D). Note that
!heat is estimated locally by ebind=Q" , where ebind is the local
specific binding energy (the sum of internal plus kinetic plus
gravitational energies) and Q" is the specific heating rate by
neutrinos, and that !adv is given by [r ! rgain(#)]=jvr (r , #)j,
where rgain is the gain radius and vr is the radial velocity.
By comparing left halfs of two panels, the entropy for the
2D model is shown to be larger than that for the 1D model.
This is also evidence that the neutrino heating works more effi-
ciently in multi-D.

We now move on to a discussion about models with rotation.
Both for model M13-rot and for its high-resolution counterpart,
model M13-rot-hr, we obtain neutrino-driven explosions (see,
t1000 and Edia in table 1). The rapid rotation chosen for this
study mainly affects the explosion dynamics in the postbounce
phase, which we discuss in the following.

For the rotating model, the dominant mode of the shock
deformation after a bounce is almost always the ` = 2 mode,
although the ` = 1 mode can be as large as the ` = 2 mode
when the SASI enters the nonlinear regime (& 200 ms after
a bounce). In contrast to this rotation-induced ` = 2 defor-
mation, the ` = 1 mode tends to be larger than the ` = 2 mode
for the 2D models without rotation in the saturation phase. As
shown in figure 3, this leads to different features in the shock
geometry, namely a preponderance of the unipolar explosion
for the 2D models without rotation (left panel), and a bipolar
(north–south symmetric) explosion with rotation (right panel).

Since it is impossible to calculate precise explosion energies
at this early stage, we define a diagnostic energy that refers to
the integral of the energy over all zones that have a positive
sum of the specific internal, kinetic, and gravitational energies.
Figure 4 shows a comparison of the diagnostic energies for

Fig. 2. Snapshots of the distribution of entropy (left half) and the ratio of the advection to the heating timescales (right half) for models of M13-1D
(left panel) and M13-2D (right panel) at 200 ms after a bounce.
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Collective oscillation of neutrinos

ニュートリノが質量を有するために、
伝搬中に種族が振動する

放射されたときと吸収されるときでス
ペクトルが異なっている可能性

特にνμ/τ→νe への振動はかなり重要

ニュートリノ反応率: σ∝E2

平均エネルギー: νμ/τ>νe

NS60CH22-Duan ARI 14 July 2010 2:10

Spectral swap

2ω
δm2

Eν   = –2ω
δm2

Eν  = +

ƒ v

ve ' initial
vµ ' initial
ve ' !nal
vµ ' !nal

a b

∞
Ω0 0

0 20 40 60
E (MeV)

1

P vv

ω

Figure 6
Illustration of the stepwise spectral swap phenomenon in the two-flavor mixing case with !m2 < 0 (inverted
neutrino mass hierarchy) that was discovered by Duan et al. (70). (a) The stepwise swapping of νe and νµ

energy spectra about Es ! 9 MeV in a single-angle scheme. The spectra of ν̄e and ν̄µ are nearly fully
swapped in this calculation. (b) The corresponding survival probability Pνν , which is a step-like function of
ω. For the normal neutrino mass hierarchy case, the step-like structure of Pνν (ω) is pushed rightward to
$0 > 0. Because Es = | !m2

2$0
| splits a neutrino spectrum into two parts with different flavors, this

phenomenon is also sometimes termed spectral split. Reprinted with permission from Reference 124.
Copyright 2009, American Institute of Physics.

Just as in the conventional adiabatic MSW flavor transformation case (Figure 2), in the adia-
batic precession solution "Pω follows "̃H ω, whose direction (and magnitude) changes as µ decreases.
This induces neutrino flavor transformation. Specifically, as µ → 0, "̃H ω → (ω − $0) "B, where
$0 = $(µ = 0). This means that the adiabatic collective precession mode converts the initial
νe into the mass state |ν1〉 or |ν2〉, depending on whether ω is smaller or larger than $0 (70).
This phenomenon, known as the stepwise spectral swap or spectral split, is most dramatic when
θv & 1 (Figure 6). The swap/split energy Es = |!m2

2$0
| can be determined from the constancy of

"D · "B (74).

4.3. Precession Solution in the Three-Flavor Mixing Scenario
The neutrino polarization vector defined in Equation 6 can be easily generalized to the three-flavor
mixing scenario by replacing the Pauli matrices with the Gell-Mann matrices &a (a = 1, 2, . . . , 8)
(83, 123). However, because an eight-dimensional polarization vector, or Bloch vector, cannot be as
easily visualized as its three-dimensional counterpart, we discuss the collective precession mode by
using the matrix formalism. To this end, we define the polarization matrix Pω = 1

2

∑8
a=1 (Pω,a&a ),

where Pω,a is the ath component of the Bloch vector "Pω. We note that here the definition of
the Bloch vector "Pω follows the same sign convention for antineutrinos as in Equation 6. The
polarization matrix obeys the EoM

iṖω = [ωL BL + ωH BH + µD, Pω], 21.

where D =
∫ ∞

−∞ Pωdω is the total polarization matrix. In Equation 21, ωL = ± δm2

2E and BL = − 1
2 &3

(in the mass basis) correspond to the small mass splitting, which we define as δm2 ≡ m2
2 − m2

1 !
!m2

). Also in Equation 21, ωH = ω = ±!m2

2E and BH = − 1√
3
&8 (in the mass basis) correspond to

the large mass splitting, which we define as !m2 = m2
3 − 1

2 (m2
1 + m2

2) ! ±!m2
atm. For simplicity
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Figure 9. This figure shows the ν̄e (thin lines) and “νµ” (thick lines) emergent
luminosity spectra for the 11 M! progenitor evolution depicted in Fig. 8. The
luminosity spectra (logarithm base ten) are in units of 1054 ergs s−1 MeV−1 and
the neutrino energy (abscissa) is in units of MeV. There is no appreciable flux prior
to shock breakout for these species. To avoid clutter, we here depict only a few νµ

spectra to ∼50 milliseconds after bounce. (These curves represent the sum of the νµ,
ν̄µ, ντ , and ν̄τ luminosity spectra.) However, the ν̄e spectra are shown until about
110 milliseconds after bounce. During the phases shown, both sets of luminosities are
always increasing. Note that the νµ spectra are significantly harder than either the
ν̄e or the νe spectra. This is a consequence of of the fact that the νµs do not have
appreciable charged-current cross sections (eqs. 10 and 11), enabling one to probe
more deeply into the hot core with these species.

Duan+ 10
Burrows & Thompson 02
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Numerical simulation

２次元流体計算(ZEUS-2D) (Stone & Norman 92)

流体＋ニュートリノ輸送
Isotropic Diffusion Source Approximation (Liebendörfer+ 09)

electron-type neutrino and anti-neutrino

progenitor: 13 M⦿ (Nomoto+ 88)

Collective oscillation parameters: Rν, <εν>

13

Impact of the collective oscillation on core-collapse supernova explosion 5

where

Lν = 4πr2c
2π

(hc)3

∫ ∞

0
dεν

∫ +1

−1
dµ µε3νfν(εν , µ), (23)

〈
ε2ν

〉
=

∫ ∞
0 dεν

∫ +1
−1 dµε5νfν(εν , µ)

∫ ∞
0 dεν

∫ +1
−1 dµε3νfν(εν , µ)

, (24)

〈
µ
〉

=

∫ ∞
0 dεν

∫ +1
−1 dµµε3νfν(εν , µ)

∫ ∞
0 dεν

∫ +1
−1 dµε3νfν(εν , µ)

. (25)

The neutrino luminosity for r → ∞ (i.e.,
〈
µ
〉
→ 1) can

be written as

Lν = 2.62×1052

( 〈
εν

〉

15 MeV

)4 (
Rν

30 km

)2

erg s−1. (26)

Here, the average energy and average squared energy of
neutrinos with zero degeneracy are

〈
εν

〉
= 3.15kBTν and〈

ε2ν
〉

= 20.8(kBTν)2 with Tν being the temperature at
the neutrinosphere. Hereafter, we consider

〈
εν

〉2
Lν as

a heating rate instead of
〈
ε2ν

〉
Lν because the model pa-

rameter is not
√〈

ε2ν
〉

but
〈
εν

〉
. However,

〈
ε2ν

〉
and

〈
εν

〉

can be easily connected as
〈
ε2ν

〉
= 2.1

〈
εν

〉2. Fig. 4 shows
E∞

diag as a function of
〈
εν

〉2
Lν . Red (ts =100 ms), green

(ts =150 ms), and blue (ts =200 ms) points clearly have
a correlation with

〈
εν

〉2
Lν . There are critical

〈
ενX

〉2
LνX

depending on ts. Orange and light-blue regions represent
the non-exploding region for red and blue points, respec-
tively. It can be seen that the minimum E∞

diag decreases
with increasing ts. This is because the mass outside the
shock wave also gets smaller so that the minimum energy
to explode the star gets smaller, too. In addition, the ear-
lier ts leads the larger Ediag with the same

〈
ενX

〉2
LνX for

exploding models by the same reason. It should be noted
that the larger ts leads the larger minimum

〈
ενX

〉2
LνX

for the explosion. Therefore, in order to obtain the larger
E∞

diag, the earlier the collective oscillation is neccesary.
Saturation energy: As shown in Figure 2, there is

the saturation value of Ediag for expoding models (E∞
diag).

This is due to the density decrease induced by the neu-
trino driven wind (seen in the bottom panel of Figure
1). Figure 5 shows the heating rate and the density dis-
tribution of N13R30E13T100S for 10 ms and 250 ms af-
ter ts (=100 ms after the bounce). As the shock wave
propagates outward, the ram pressure to the PNS de-
creases, leading the density decrease above the PNS (see
the blue line in Figurer 5). Therefore, the heating rate
gets smaller and the Ediag saturates.

Neutron star mass: The mass of the remnant
(NS/BH) is the important indicator for the SN explo-
sion. The last two lines in Table 1 indicate the integrated
masses of the region of ρ ≥ 1010 g cm−3 at t = ts and
t = ∞. The latter one is estimated by the fit using

M10(t) = M∞
10 (1 + e−ct+d), (27)

where c and d are fitting parameters. note that
M t=ts

10 becomes larger with the larger ts. As for
nonexploding models, we obtained increasing remnant
mass, of course. Basically exploding modes result
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in M∞
10 < M t=ts

10 because of the neutrino driven
wind after the onset of the explosion with some
exceptions (i.e., N13R20E15T150S, N13R20E15T200S,
N13R30E13T100S, and N13R50E11T100S) that show in-
creasing of M10 after ts because of weak explosion and
have maximum value. After that they show slow decrease
so that the maximum values are shown in Table 1. M∞

10 s
are difficult to determine for these models because of the
limitation of simulation time (! 500 ms after bounce).
Because of the smallness of the core mass of this pro-
genitor, N13, the remnant masses of exploding models
(especially for models with E∞

diag " 1051 erg) are consid-
erably small as 1.1-1.2 M#, while observations suggest
that the typical mass of NSs is ∼ 1.4M# [ref].

3.1.3. The dependence on the progenitor
In addition to the model N13 calculated by Nomoto

& Hashimoto (1988), we also investigate the progeni-
tor dependence using model calculated by Woosley &
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Collective oscillation-1

critical な加熱率が存在

爆発エネルギー~1051 erg

中性子星(~1M⦿)も残る
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Collective oscillation-2
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TABLE 1
1D simulations

Model Dimension Rν kBT−1
ν Lν ts Explosion E∞

diag Mt=ts
10 M∞

10

[km] [MeV−1] [1052erg s−1] [ms] [1051 erg] [M#] [M#]

N13R10E15T100S 1D 10 0.2101 (15MeV) 0.29 100 No — 1.18 —
N13R10E17T100S 1D 10 0.1854 (17MeV) 0.48 100 No — 1.18 —
N13R10E18T100S 1D 10 0.1751 (18MeV) 0.60 100 No — 1.18 —
N13R10E19T100S 1D 10 0.1658 (19MeV) 0.75 100 Yes 1.00 1.18 1.14
N13R10E20T100S 1D 10 0.1575 (20MeV) 0.92 100 Yes 1.49 1.18 1.12
N13R20E13T100S 1D 20 0.2424 (13MeV) 0.66 100 No — 1.18 —
N13R20E13T150S 1D 20 0.2424 (13MeV) 0.66 150 No — 1.21 —
N13R20E13T200S 1D 20 0.2424 (13MeV) 0.66 200 No — 1.25 —
N13R20E14T100S 1D 20 0.2251 (14MeV) 0.88 100 No — 1.18 —
N13R20E14T150S 1D 20 0.2251 (14MeV) 0.88 150 No — 1.21 —
N13R20E14T200S 1D 20 0.2251 (14MeV) 0.88 200 No — 1.25 —
N13R20E15T100S 1D 20 0.2101 (15MeV) 1.16 100 Yes 0.97 1.18 1.15
N13R20E15T150S 1D 20 0.2101 (15MeV) 1.16 150 Yes 0.54 1.21 < 1.24
N13R20E15T200S 1D 20 0.2101 (15MeV) 1.16 200 Yes 0.47 1.25 < 1.26
N13R20E21T100S 1D 20 0.1500 (21MeV) 4.47 100 Yes 5.56 1.18 1.07
N13R20E22T100S 1D 20 0.1432 (22MeV) 5.39 100 Yes 6.50 1.18 1.07
N13R28E13T100S 1D 28 0.2424 (13MeV) 1.29 100 No — 1.18 —
N13R29E13T100S 1D 29 0.2424 (13MeV) 1.38 100 No — 1.18 —
N13R30E11T100S 1D 30 0.2865 (11MeV) 0.76 100 No — 1.18 —
N13R30E11T150S 1D 30 0.2865 (11MeV) 0.76 150 No — 1.21 —
N13R30E11T200S 1D 30 0.2865 (11MeV) 0.76 200 No — 1.25 —
N13R30E12T100S 1D 30 0.2626 (12MeV) 1.07 100 No — 1.18 —
N13R30E12T150S 1D 30 0.2626 (12MeV) 1.07 150 No — 1.21 —
N13R30E12T200S 1D 30 0.2626 (12MeV) 1.07 200 No — 1.25 —
N13R30E13T100S 1D 30 0.2424 (13MeV) 1.48 100 Yes 0.85 1.18 < 1.19
N13R30E13T150S 1D 30 0.2424 (13MeV) 1.48 150 No — 1.21 —
N13R30E13T200S 1D 30 0.2424 (13MeV) 1.48 200 No — 1.25 —
N13R30E14T100S 1D 30 0.2251 (14MeV) 1.99 100 Yes 1.58 1.18 1.12
N13R30E14T150S 1D 30 0.2251 (14MeV) 1.99 150 Yes 0.98 1.21 1.19
N13R30E14T200S 1D 30 0.2251 (14MeV) 1.99 200 Yes 0.68 1.25 1.22
N13R30E15T100S 1D 30 0.2101 (15MeV) 2.62 100 Yes 2.27 1.18 1.10
N13R30E15T150S 1D 30 0.2101 (15MeV) 2.62 150 Yes 1.43 1.21 1.16
N13R30E15T200S 1D 30 0.2101 (15MeV) 2.62 200 Yes 0.93 1.25 1.22
N13R30E20T100S 1D 30 0.1575 (20MeV) 8.28 100 Yes 6.84 1.18 1.07
N13R40E11T100S 1D 40 0.2865 (11MeV) 1.35 100 No — 1.18 —
N13R50E11T100S 1D 50 0.2865 (11MeV) 2.10 100 Yes 0.86 1.18 < 1.18
N13R60E11T100S 1D 60 0.2865 (11MeV) 3.03 100 Yes 1.48 1.18 1.12

(1995) and Woosley et al. (2002). The investi-
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Summary
近年の超新星爆発シミュレーション

1D: 爆発せず

2D: 爆発（しそう）；衝撃波は鉄コア外まで行けそう
爆発エネルギーが足りない

中性子星が作れない

ニュートリノ集団振動（collective oscillation）　　　　　　　　　　
が鍵となる可能性を示唆

もっと真面目にやるには、Boltzmann方程式レベルから　　　　　　
書き換えが必要 (Strack & Burrows 05)

XT4/中規模サーバを利用させていただきありがとうございます！
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