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Figure 1. Three-dimensional plots of entropy per baryon (top panel), !res/!heat
(bottom left panel), which is the ratio of the residency to the neutrino-heating
timescale (see the text for details), and the net neutrino-heating rate (bottom
right panel, in units of erg cm!3 s!1) for three snapshots (top and bottom left:
t = 230 ms, and bottom right: t = 150 ms measured after the bounce (t " 0) of
our model 3D-H-1). The contours on the cross sections in the x = 0 (back right),
y = 0 (back bottom), and z = 0 (back left) planes are projected on the sidewalls
of the graphs. For each snapshot, the length of the white line is indicated in the
bottom right text.
(A color version of this figure is available in the online journal.)

shock expansion in this study. It should be mentioned that, by
comparing our "x luminosity estimated by the leakage scheme
with that obtained by the work of Buras et al. (2006) with
detailed neutrino transport, the peak luminosity is more than
20% smaller in our case. Such underestimation of cooling
by heavy-lepton neutrinos should lead to artificially larger
maximum shock extent (Rmax # 260 km, blue line in the right
panel of Figure 2) compared to Rmax # 170 km in Buras et al.
(2006). We have to emphasize that the use of the leakage scheme,
together with the omission of inelastic neutrino scattering on
electrons and general relativity (GR) effects in the present
scheme, is likely to facilitate artificially easier explosions.
Regarding our 2D models, the relatively earlier shock revival
(#100 ms postbounce) coincides with the decline of the mass
accretion rate onto the central PNS. This could be the reason
that the timescale is similar to that in Müller et al. (2012) who
reported 2D (GR) models for the same progenitor model with
detailed neutrino transport.

As seen from Figure 3, the angle-averaged neutrino lu-
minosity ($L"%) and the mean neutrino energy ($#"% =!

E3F sdE/
!

E2F sdE, where E is neutrino energy) are barely
affected by the imposed initial perturbations (presumably at a
few-percent levels in amplitude). This again supports our finding
that the explosion stochasticity is very influential in determining
the blast morphology but not the working of the neutrino-heating
mechanism.

From the bottom panel of Figure 3, it can be seen that
the overall trend in the neutrino luminosities and the mean
energies is similar between our 3D and 2D models. The neutrino
luminosities in the 2D model (green lines) show a short-time
variability (with periods of milliseconds to !10 ms) after around
100 ms postbounce. Such fast variations in the postbounce
luminosity evolution have been already found in previous 2D
studies (e.g., Ott et al. 2008; Marek et al. 2009). This is caused
by the modulation of the mass accretion rate due to convective
plumes and downflows hitting onto the PNS surface (see also
Lund et al. 2012 and Tamborra et al. 2013 about the detectability
of these neutrino signals). It is interesting to note that such a
fast variability is less pronounced in our 3D model (red lines
in the bottom panel). This is qualitatively consistent with Lund
et al. (2012) who analyzed the neutrino signals from 2D and 3D
models, in which an approximate neutrino transport was solved
(Wongwathanarat et al. 2010) as in Scheck et al. (2006).

Figure 4 shows the evolution of the average PNS radius
for the 1D (blue line), 2D (green line), and 3D models (red
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Figure 2. Same as the top panel in Figure 1, but for models 3D-H-2 (left panel) and 3D-H-2 (middle panel), which produce stronger explosions closer toward the
north (left panel) and south poles (middle panel), respectively. The right panel shows the evolution of average shock radii for the high-resolution 2D (green lines) and
3D (red lines) models explored in this study (e.g., Table 1).
(A color version of this figure is available in the online journal.)
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success has been achieved by invoking rapid rotation of the
progenitors (e.g., Cao et al. 2013; Groh et al. 2013b).
To address this putative issue, some authors have proposed

that some amount of helium in SNe Ic may be “hidden” and
remain neutral if the 56Ni (which provides nonthermal
excitations via radioactive decay) is insuf!ciently mixed with
the helium-rich ejecta (e.g., Dessart et al. 2011, 2012).
Comparisons to observation do not !nd evidence for large
amounts of hidden helium in SNe Ic, however, and it is unclear
from the models how much helium could truly be hidden in this
way (e.g., Hachinger et al. 2012; Taddia et al. 2015; Liu et al.
2016). Our updated stripped-envelope fractions argue that this
problem is less egregious than previously indicated.
Other discrepancies have arisen within the single WR-like

progenitor scenario. The observed ejecta masses of normal
SNe!Ib/c (Mej!!!2.0–4Me; Drout et al. 2011; Cano 2013;
Lyman et al. 2016) are not in good agreement with the
estimated masses of WR stars at the time of core collapse
(M!!!10Me; Meynet & Maeder 2003; Yoon 2015), assuming
that most SNe!Ib/c produce neutron star remnants rather than
black hole remnants. Note that SNe!Ic-BL may have larger
ejecta masses, and so this reasoning holds for normal SNe Ib/c
only (Cano 2013). In addition, the rates of SNe!Ib/c compared
to those of SNe II are inconsistent with WR star progenitors
(the incidence rate of WR stars is too low to explain the high
fraction of SNe Ib/c; e.g., Smith et al. 2011a), and the search
for SN!Ib/c progenitors in pre-explosion images has, in several
instances, ruled out normal WR stars (Eldridge et al. 2013,
though see also Groh et al. 2013b).

Figure 21. Relative fractions of core-collapse SN types within a volume-limited sample using the original classi!cations from L11 (left) compared to the updated
classi!cations presented here (right). Subtypes are color-coded along with the other members of their major type, and the “peculiar” subtype labels are grouped with
the appropriate “normal” events (except for the SN Ibc-pec group of L11, which included both SNe Ic-BL and Ca-Rich transients). All fractions are listed in Table 3
and any objects listed in Table 1 with more than one possible classi!cation are given a fractional weight in each class, as described in Section 5.
(A color version of this !gure is available in the online journal.)

Table 3
Updated Relative SN Fractions in a Volume-limited Survey

Type Previous This Work Difference

Core Collapse

II �
�68.9 6.0

6.0
�
�69.6 6.7

6.7 L
IIb/Ib/Ic �

�31.1 4.6
4.6

�
�30.4 4.9

5.0 L

Stripped Envelope

IIb �
�27.6 9.1

9.1
�
�34.0 11.1

11.1 +6.3
IIb-pec L �

�2.0 2.0
1.5 L

Ib �
�16.1 6.6

6.8
�
�35.6 11.4

11.4 +19.5
Ib-pec L L L
Ibc-peca �

�12.4 5.6
5.9 L L

Ic �
�41.1 11.4

11.5
�
�21.5 8.6

8.6 "19.6
Ic-pec �

�2.8 2.8
2.6

�
�3.2 3.2

3.1 L
Ic-BL L �

�3.7 3.7
2.9 L

Hydrogen Rich

IIb �
�93.2 11.3

11.5
�
�89.1 10.9

10.9 L
II-87A L �

�4.2 2.7
2.4 L

IIn �
�6.8 2.9

3.0
�
�6.7 2.9

3.0 L

Notes. Relative fractions of core-collapse SNe in the LOSS volume-limited
sample, within several different subsets, expressed in percentages. In the left
column we present the fractions assuming the original classi!cations used
by L11, in the center column we present our updated fractions, and in the right
column we highlight the most notable updates.
a L11 included SNe Ic-BL and Ca-Rich transients with the Ibc-pec class. In our
updated fractions we list the SNe Ic-BL seperately, and we do not group the
Ca-Rich events with core-collapse SNe.
b Including the II-L and II-P subclasses of L11.
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Personal note on supernova light curves.

1 Energy Sources

1.1 Radioactive 56Ni

Electron capture (98%).
56Ni + e! ! 56Co" + !e

56Co" ! 56Co + "

#1/2 = 6.1 d

#Ni = #1/2/ ln 2 = 8.8 d

E! = 0.41MeV/decay

E" = 1.75 MeV/decay

Electron capture (77%).
56Co + e! ! 56Fe" + !e

Positron decay (19%).
56Co ! 56Fe" + e+ + !e

56Fe" ! 56Fe + "

#1/2 = 77.12 d

#Co = #1/2/ ln 2 = 111.3 d

E! = 0.84MeV/decay

E" = 3.61 MeV/decay

Ee+ = 0.12MeV/decay

Total energy release.

Edecay " Ndecay (E" + Ee+) " MNi

Amp
(E" + Ee+) (1)

" 0.2 # 1033

56 # 1.7 # 10!24
6 # 106 # 1.6 # 10!12

!
MNi

0.1M#

"!
E" + Ee+

6MeV

"
(2)

" 2 # 1049 erg
!

MNi

0.1M#

"!
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"
(3)

1

Edecay

(Nadyozhin ’94)
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CCSN neutrino is REALLY a powerful tool !

Nakamura+’16

Multi-messenger signals from a CCSN - What observables tell us?

Number of targets

ü Timing information (via IBD):
the bounce time within ± 3.0 ms (HK)
at 95% confidence level.

ü Pointing information (via e- scattering):
~ 6° (SK), ~ 3° (Gd-SK), ~ 0.6° (Gd-HK), ~ 0.3° (DUNE)
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Galactic CCSN GW is “detectable”, but ..

Nakamura+’16
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Figure 5. The GW characteristics in the first 60 ms post-bounce. Left: the inputted (solid red line) and reconstructed (dashed blue) gravitational waveform.
Right: the spectrogram of the reconstructed waveform in the frequency window [50, 500] Hz. Both panels are for a CCSN at a distance of 8.5 kpc.

As will be discussed below, the timing and pointing accuracy
directly impacts the scientific benefits for multimessenger studies
of CCSNe.

3.2 Gravitational waves

In this section, we discuss the detection prospects of GW signals
from a CCSN occurring at a position close to the Galactic Center.
We assume the GW source position at right ascension 17.76 h and
declination !27."07, and similar to the previous section a distance
from the Earth of 8.5 kpc. The event time is set to be UTC 2013-
02-22 12:12:02, but it is not important for detection efficiency of
the detectors under consideration (Hayama et al. 2015). The gravi-
tational waveform we employ as an input in this work is consistent
with that obtained in previous GW studies (Müller et al. 2004, 2013;
Yakunin et al. 2015) based on self-consistent 2D models. The over-
all waveform (top panel of Fig. 10) is characterized by a sharp rise
shortly after bounce (!50 ms post-bounce) due to prompt convec-
tion, which is followed by spikes with increasing GW amplitudes
(maximally 6 # 10!20 in Fig. 10) in the non-linear phase due to
neutrino-driven convection (and SASI, !600 ms post-bounce for
this model). Later on, as the neutrino-driven wind phase sets in
(typically " 1 s post-bounce), and the amplitude shows a gradual
decrease.

Since we make coordinated observation of the CCSN with Super-
K and GW detectors, the time of the core bounce can be estimated
from neutrino observations. This enables us to restrict the time
window, e.g. to [0, 60] ms from the estimated time of the core
bounce, as well as the frequency window to be [50, 500] Hz which
is suggested to be roughly in the peak frequency range of prompt
convection (e.g. Müller et al. 2013).

We apply the gravitational waveform data, superposed on the
noise signals, within the time–frequency window of [0, 60] ms–
[50, 500] Hz to the analysis pipeline and obtain a reconstructed
gravitational waveform. The left-hand panel of Fig. 5 compares the
inputted original gravitational waveform (solid red line) with the re-
constructed one (dashed blue line), and the right-hand panel shows
the spectrogram of the reconstructed gravitational waveform. In
this time–frequency window, the noise dominates the reconstructed
waveform and it is hard to see any time-dependent waveform struc-

ture. In the spectrogram, however, a highlighted region appears at
t $ 20 ms which originates from the prompt convection.

This feature is observable. Fig. 6 shows the signal-to-noise ratio
(SNR) of time–frequency pixels defined by

SNR =
!

x̃(f , t)
Sn(f , t)

dt df , (4)

where x̃(f , t), and Sn(f, t), denotes time–frequency pixels, and one-
sided-spectrogram densities, at a given frequency and time, respec-
tively. The left-hand panel shows the result without a neutrino trig-
ger, i.e. a GW search over more than 1 s, while the right-hand
panel shows the result considering timing information from neu-
trino observations. The maximal SNR for the prompt convection
GW signal pixel increases from $3.5 to $7.5. The latter almost
meets the conventional detection threshold.

3.3 Electromagnetic waves

The first electromagnetic signal from a CCSN is the emission from
SBO (e.g. Klein & Chevalier 1978; Falk 1978; Matzner & McKee
1999). The effective temperature of the SBO emission is estimated
to be $4 # 105 K. Thus, the emission peaks at UV wavelengths.
However, as discussed below, CCSNe at the Galactic Center are
likely to suffer from large interstellar extinction. Therefore, the
observed spectral distribution of the SBO is likely not to peak at
UV wavelengths, and observations in optical and NIR are more
promising (Adams et al. 2013). For Type IIP supernovae, the SBO
emission in optical and NIR wavelengths is expected to be fainter
than the main plateau emission, which we discuss below, by about
1 and 2 mag, respectively (Tominaga et al. 2011).

After cooling envelope emission following SBO emission (e.g.
Chevalier & Fransson 2008; Nakar & Sari 2010; Rabinak & Wax-
man 2011), Type IIP supernovae enter the plateau phase lasting
about 100 d. The luminosity and duration of the plateau can be
estimated by equations (A16)–(A17) using Mej, Ek, and R0. The
solid (blue) lines in Fig. 7 show schematic light curves after
the plateau phase for our s17.0 model placed at 8.5 kpc distance.
The luminosity is then converted to optical (V band, 0.55 µm)
and NIR (K band, 2.2 µm) magnitudes assuming a bolometric
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Figure 6. SNR of the GW from a distance of 8.5 kpc estimated in time–frequency pixels. Left: analysis based on a GW search over more than 1 s without
a neutrino trigger. Right: SNR in the small time–frequency window with the aid of the neutrino timing information, corresponding to the right-hand panel of
Fig. 5. Note the different scale between the left- and right-hand panels.

Figure 7. Optical (left-hand panel) and NIR (right-hand panel) signals from a Galactic CCSN at a distance of 8.5 kpc. The solid (blue) lines show schematic
light curves of the plateau and tail phases based on the bolometric luminosity models given by Popov (1993) and Nadyozhin (1994). The expected light
curves taking dust extinction into account are shown by dashed (red) lines with a hatched (pink) regions covering the range of half-maximum probability.
The extinction correction significantly reduces the optical brightness, whereas the NIR brightness is less affected. The spatial distribution of the apparent
magnitudes are shown in Fig. 8. Note that the optical and NIR magnitudes of the SBO emission are expected to be fainter than plateau magnitudes by about 1
and 2 mag, respectively (Tominaga et al. 2011).

correction of Mbol–MV ! 0 and typical colour of MV–MK ! 1
(Bersten & Hamuy 2009).

After the plateau phase, supernovae enter the radioactive tail
phase, which is powered by the decay of 56Co (daughter of 56Ni
synthesized at the explosion). For the bolometric luminosity at this
phase, we assume the radioactive decay luminosity with an ejected
56Ni mass of 0.028 M". Then the luminosity is translated to optical
and NIR magnitudes assuming Mbol–MV ! 0 and MV–MK ! 2
(Bersten & Hamuy 2009).

Despite these crude assumptions, Fig. 7 still captures the impor-
tant properties of optical and NIR emissions of Galactic CCSNe.
Both optical and NIR emissions are extremely bright, <#2 mag, if
we do not take into account interstellar extinction (thick blue lines).
However, since we have more probability to have CCSNe near the
centre of the Galaxy, the observed brightness will be significantly
affected by interstellar extinction.

Here, we estimate the typical range of extinction as follows,
in a similar way as was done by Adams et al. (2013). First, we
assume a simple 3D Galactic model both for the CCSN rate and dust
distribution: !(R, Z) $ e#R/Rd e#z/H , where R is the Galactocentric
radius, z is the height above the Galactic plane, and Rd and H are the
scalelength and scaleheight of the Galactic disc, respectively. We
adopt Rd = 2.9 kpc and H = 110 pc as in Adams et al. (2013). The
Sun is placed at R = 8.5 kpc and z = 24 pc. The normalization of
the dust distribution is determined such that the extinction towards
the Galactic Center is AV = 30 mag.

The expected brightness maps under these assumptions are shown
in Fig. 8. The optical brightness has a large diversity depending on
the position (left-hand panel): it is brighter than 5 mag for nearby
events while fainter than 25 mag behind the Galactic Center. On the
other hand, the NIR brightness is brighter than 5 mag in almost all
locations, as was also demonstrated by Adams et al. (2013). Note

S/NGalactic center

1369

1374

1379

1384

1389

1394

1399

1404

1409

1414

1419

1424

1431

1436

1441

1446

1451

1456

1461

1466

1471

1476

1481

1486

12 K. Nakamura et al.

Figure 11. SNR of the GW from Betelgeuse for the first 1 (left-hand panel) and 8 s (right-hand panel). The colour is in logarithmic scale.

Table 2. List of nearby RSG candidates.

Name RA Dec. Distance V mag Spec. type Note Type refa Dist. reffb

(J2000.0) (J2000.0) (kpc)

BD+61 8 00:09:36.37 +62:40:04.1 2.40 9.49 M1ep Ib + B KN Cas 1 2
BD+59 38 00:21:24.29 +59:57:11.2 2.09 9.67 M2 I MZ Cas 1 1
HD 236446 00:31:25.47 +60:15:19.6 2.40 8.71 M0 Ib 1 3
TY Cas 00:36:59.42 +63:08:01.7 2.40 11.5 (B) M6 1 3
V634 Cas 00:49:33.53 +64:46:59.1 2.51 10.46 M1 Iab 1 3
HD 4817 00:51:16.38 +61:48:19.8 1.05 6.18 K5 Ib HR 237 4 4
HD 4842 00:51:26.00 +62:55:14.9 2.51 9.62 M6/7III VY Cas 1 **
BD+62 190 01:03:15.35 +63:05:10.8 2.51 9.95 M5? 1 **
BD+62 207 01:08:19.93 +63:35:11.2 2.51 9.82 M4 Iab HS Cas 1 2
HD 236697 01:19:53.62 +58:18:30.7 2.51 8.62 M1.5 I V466 Cas 1 1

Notes. Only the first 10 rows are shown in this table. The full list is available in online material.
aReferences for the spectral type.
bReferences for the distance.
References:
RSGs in OB associations: (1) Levesque et al. (2005), (2) Humphreys (1978), (3) Garmany & Stencel (1992),
Other RSGs: (4) Humphreys (1970), (5) Humphreys et al. (1972), (6) White & Wing (1978), (7) Elias et al. (1985),
(8) Jura & Kleinmann (1990).
Additional references for the spectral type: * Keenan & McNeil (1989), ** classification in SIMBAD.
Additional references for the distance: † Harper, Brown & Guinan (2008), ‡ Choi et al. (2008).

the positron energy 18–30 MeV range. Gadolinium doped water

Q13

reduces backgrounds and opens a larger energy range of approxi-
mately 12–38 MeV for signal search (Ando et al. 2005). To estimate
the predicted signal, we adopt a fiducial volume of 0.56 Mton. The
time-integrated total inverse beta event in the 18–30 MeV energy
bin for our s17.0 model is then,

Ne+ ! 8.5
!

D

1 Mpc

""2 !
Mdet

0.56 Mton

""2

, (5)

for the fiducial MSW mixing. Considering a full-mixing or no-
mixing results in a range of 8.2–8.6 events. With the fiducial MSW
mixing, the probability to detect two (or more) coincident neutrinos
from a CCSN 3 Mpc away is approximately 24 per cent. The proba-
bility to detect one or more neutrinos is 61 per cent. These improve
to 50 and 81 per cent, respectively, for the wider energy window
allowed by a Gd-doped detector. In Fig. 12, we show the detection
probability for at least a neutrino singlet (red dot–dashed) and at
least a doublet (red dashed) from a CCSN in a nearby galaxy at
distance D. The expected event increases with Gd-doped Hyper-K,

and this is represented by the larger probabilities shown by the blue
lines.

We estimate the background rate based on SK-II, which has a
lower Photo-Multiplier-Tube (PMT) coverage than standard Super-
K configuration and perhaps similar to the eventual Hyper-K (Abe
et al. 2011). After cuts, the number of remaining backgrounds was
25 events in the signal region (here defined as 18–30 MeV energy
deposited and 38–50 Čerenkov angle), for a fiducial volume of 22.5
kton and 794 d of exposure (Bays et al. 2012). This scales to a
background rate of #286 events per 0.56 Mton year. While this is a
simplified estimate ignoring differences in, e.g. signal efficiency and
rock overburden, Hyper-K detector capabilities are not yet finalized,
and it provides a useful starting point. The accidental coincidence
rate within a 10 s window where the CCSN neutrino signal will occur
is thus #2 $ (286 yr"1)2 $ (10 s) = 0.05 yr"1. In other words, two
(or more) coincident events within a 10 s window would provide a
compelling detection of CCSN neutrinos.

For singlet event detection, the background rate is a significant
limiting factor. However, two endeavours will enhance the identifi-
cation of singlet signals. The first is using the optical discovery of
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Figure 9. Maximum Brunt–Väisälä frequency fp in the convectively stable
region between the PNS convection zone and the gain layer as a function
of time for models G15 (solid line), M15 (dashed), and N15 (dotted). fp is
a rather flat function of radius in this region, and the maximum value may
therefore be taken as an estimate for the “typical” value of the Brunt–Väisälä
frequency. The plot also shows the peak frequencies extracted from the wavelet
spectra (Figures 3–5) at intervals of !50 ms (squares: model G15; circles: M15;
triangles: N15).

likely also responsible for the discrepancy between our New-
tonian results and those of Murphy et al. (2009), who ob-
tained even lower GW frequencies (e.g., only 200 . . . 300 Hz
at 500 ms): their use of both a stiff EOS (Shen et al. 1998)
and a parameterized neutrino cooling and heating scheme,
which does not allow for the loss of energy and lepton number
from the PNS core, tends to underestimate the contraction of
the PNS.

On the other hand, the effective potential approach (model
M15) gives a very good approximation for the compactness
of the PNS (!!/!r ! !"c2/!r) but still fails to reproduce
the correct peak frequency because the effects of relativistic
kinematics are not taken into account. In general relativity,
the correction factor "h"1#"4 in Equation (14) reduces fp by
about 15%–20%, which largely explains the lower frequencies
in model G15 compared to M15. In addition, the slightly higher
neutrino luminosities and mean energies in model G15 also
correlate with a somewhat more shallow density gradient in the
neutron star surface region and thus reduce fp and the typical
GW frequency even a little further.

These arguments indicate that GW spectra from the later
(!150 ms) post-bounce phase with an accuracy better than
#20% in frequency space can only be obtained within the
framework of GR hydrodynamics, since both the Newtonian and
the pseudo-Newtonian approximations suffer from an intrinsic
accuracy limit.

4.3.3. Relation between PNS Properties and the
Characteristic GW Frequency

Could the characteristic GW frequency, which emerges
clearly from the wavelet spectra in Figures 3–5, provide clues
about properties of the PNS, such as its mass, compactness, or
surface temperature? A simple analytic estimate for fp based on
Equation (14) can shed light on this question.

The metric functions " and # in Equation (14) can be
approximated in terms of the PNS mass M and radius R as
" ! ln " ! #"2 ! 1 " GM/(Rc2) at the PNS surface, and
the pressure and density gradients can be found by assuming a
roughly isothermal stratification (with temperature T) in the

convectively stable neutron star surface layer. Furthermore,
an ideal gas EOS can be used as non-relativistic3 baryons
dominate the pressure in the relevant region. The gradient terms
in Equation (14) can then be immediately obtained in terms of
T and the neutron mass mn from the equation of hydrostatic
equilibrium,

!P

!r
! !

!r

!
$kT

mn

"
= "$

! ln "

!r
. (15)

Employing the relation c2
s = "kT /mn for the speed of sound

(" being the adiabatic index), we then arrive at the following
expression for fp:

fp = N

2%
= 1

2%

GM

R2

#
(" " 1)mn

"kbT

!
1 " GM

Rc2

"3/2

, (16)

where " is the adiabatic index in the PNS surface region and
mn is the neutron mass. The mean energy $E&̄e

% of electron
antineutrinos may be used as a proxy for the temperature (with
additional redshift corrections, i.e., $E&̄e

% ! 3.151"(R)T ), and
one thus obtains a fairly accurate formula for the evolution of
the dominant GW frequency fpeak:

fpeak ! 1
2%

GM

R2

$
1.1

mn

$E&̄e
%

!
1 " GM

Rc2

"2

. (17)

For our two exemplary models G11.2 and G15, Figure 10
shows that Equation (17) is in fairly good agreement with the
measured frequencies. The critical parameters regulating fpeak
are thus (1) the surface gravity, (2) the surface temperature,
and (3) the compactness parameter GM/Rc2 of the PNS.
Since fpeak also depends on the thermal properties of the PNS
surface layer, GWs from the accretion phase probably cannot
provide an unambiguous probe for the bulk properties of the
PNS (mass, radius). On the other hand, the theory underlying
Equation (17) suggests that 2D models already capture the
frequency structure of the GW signal well: with the buoyancy
frequency in the convectively stable region determining the GW
spectrum (probably via the frequency of the ' = 2 surface
g-mode), we expect the same dominant frequency in 3D in the
absence of rotation (because of the degeneracy of oscillation
modes with different m).

Equation (17) illustrates that fpeak is sensitive to factors that
affect the contraction and thermal evolution of the PNS, such as
the EOS and the neutrino treatment. The different neutrino rates
in model S15 are not critical in this respect since they affect
the PNS surface temperature only on a very moderate level (see
Paper II). More radical approximations in the neutrino treatment
could potentially have a sizable impact, however, provided that
they change the PNS surface temperature and the neutrino
mean energies considerably. The neutrino treatment (multi-
group variable Eddington factor transport versus parameterized
heating and cooling) along with the different EOS may also
partially account for the differences between our Newtonian
model N15 and the models of Murphy et al. (2009). For the
dependence of fpeak on the progenitor, we refer the reader to
Section 5.

3 This implies ( & 1.

10

(Murphy+’09; Mueller+’13)

Multi-messenger signals from a CCSN - What observables tell us?
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non-isoenergetic scattering on ..

- gravity

- advection

The shock revival and its expansion are, if re-
alized, followed for 1.5 s or until the time when the
shock has reached at the outer boundary at 5,000 km.
During the long-time simulations of the SN dynamics,
we follow approximately the explosive nucleosynthe-
sis and the energy feedback into hydrodynamics as
described in Nakamura+’13 (XXREFXX) by soling
a 13 !-nuclei network including 4He,..,56Ni.

We adopt 100 progenitor stars (Woosley+)
(XXREFXX). The models are given in 0.2 M! steps
between 10.8 M! and 28.2 M! and further up to
40 M! in 1.0 M! steps. We also include a very mas-
sive progenitor with 75.0 M!. The structure of these
stars, such as density profiles and the pre-collapse
masses are described in Ugliano+’12 (XXREFXX). It
should be noted that mass loss during main-sequence
and red-giant phases make the M ! 33 M! progeni-
tors compact Wolf-Rayet stars with the radius ! 1011

cm.

3. RESULTS

We introduce a compactness parameter " which
is define as in Equation (10) of O’Connor & Ott

(XXREFXX) by the ration of mass M = 1.5 M!
and radius R(M) that encloses this mass:

" " M/ M!
R(M)/1000km

, (1)

where we take M = 1.5 M! (" = "1.5) and estimate
"1.5 at the moment of core bounce (XXCHECKXX)
because it is the maximum mass all the models in-
volve within our simulation range. The compactness
parameter "1.5 is displayed in Figure 1 as a function
of the zero-age main-sequence masses.

Figure 2 displays a snapshot of entropy distribu-
tion at tpb = 400 ms for selected 48 models. Some
less massive models, for example s11.2 and s11.4 on
the top line, have already carried their shock fronts
close to the outer boundary. On the contrary, a shock
of s24.0 still stalls around 200 km and ...

Figure 3 presents time evolution of average shock
radii for 6 models with ZAMS masses between 19.2
and 24.0 M!. The shock radii of two models, s20.0
and s22.0, evolve quickly compared to the other mod-
els, which clearly reflects the fact that these two pro-
genitors are less compact in this mass range (Figure
1).

- the reason why small-xi models explode earlier.

- small xi = small accretion rate

- one more figure (time-Mdot and ¡Rsh¿ for a few
models) ?

(O’Connor & Ott ’11)
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the lower panel, a shape parameter of 3.0 is assumed, but
we will explore values in the range 1.0–4.0 in later sections.

The contribution from collapse to black holes is intro-
duced by considering a critical compactness, ⇠2.5,crit, above
which progenitors are assumed to collapse to black holes.
While this is a simplistic picture of a complex phenomenon,
our prescription is motivated by various studies showing
that large compactness is conducive to black hole formation
(e.g., O’Connor & Ott 2011). In general, the precise value
of ⇠2.5,crit will depend on the explosion mechanism and their
implementation. For the neutrino mechanism, current im-
plementations suggest values between 0.2–0.6 (O’Connor &
Ott 2011; Ugliano et al. 2012; Horiuchi et al. 2014; Pejcha &
Thompson 2015; Ertl et al. 2016). However, ongoing e↵orts
are expected to update predictions in the future. We thus
treat ⇠2.5,crit as a parameter of interest that is predicted by
simulations and to be tested by future observational data.
For the neutrino emission of failed explosions, we adopt the
functional form Eq. (12) with neutrino spectral parameters
predicted by black hole forming simulations (Figure 5).

The predicted weighted average neutrino spectrum in-
cluding contributions from collapse to black holes are shown
as non-solid lines in Figure 6. Four values of ⇠2.5,crit = 0.1,
0.2, 0.3, and 0.43 are shown. Based on the solar metallicity
progenitors of WHW02, these critical values correspond to
failed explosion fractions (the number of failed explosions
over the total number of massive stars in the mass range
8–100M�) of 45%, 17%, 5%, and 0%, respectively. Note that
the largest compactness in the WHW02 solar metallicity
stellar suite is ⇠2.5 ⇡ 0.43. Therefore, values of ⇠2.5,crit above
0.43 means no contribution from collapse to black holes in
our calculations.

The resulting spectra are the combined e↵ect of failed
explosions having lower neutrino total energies and higher
mean energies than the 2D counterparts. The smaller the
critical compactness, the larger the contribution from failed
explosions, and thus the more prominent is the high-energy
component of the mean neutrino spectrum. Adopting a
shallower (steeper) IMF increases (decreases) the empha-
sis on the most massive stars. For example, compared to the
Salpeter IMF, a slope of �2.15 implies ⇠ 30% larger repre-
sentation of the most massive stars M > 40M�. However,
the most massive stars are rare and the increase is mod-
est in absolute terms. Even for the shallow �2.15 slope and
largest failed fraction (⇠2.5,crit = 0.1), the weighted average
neutrino spectrum is only a↵ected at the few percent level
below neutrino ⇠ 30 MeV and ⇠ 15% above ⇠ 60 MeV.

The core compactness of massive stars has recently
been carefully investigated by Sukhbold & Woosley (2014)
using one-dimensional stellar evolution codes. They show
that quantitatively, the compactness of a star depends on a
range of inputs, including not only the initial stellar mass
and metallicity, but also the way mass loss and convec-
tion is handled in the code, as well as the nuclear micro-
physics implementation. However, the authors also show
that qualitatively the compactness robustly follows a non-
monotonic distribution in ZAMS mass, with a peak around
⇠ 20M�. This is the result of the interplay of the carbon-
burning shell with the carbon-depleted core, and later,
oxygen-burning shell with the oxygen-depleted core. Nev-
ertheless, the position of the peak has an uncertainty of
some ⇠ 1M� in mass (Sukhbold &Woosley 2014). To explore

0 5 10 15 20 25 30 35 40 45 501054

1055

1056

dN
 / 

dE
 [/

M
eV

]

ξcrit = 0.1
ξcrit = 0.2
ξcrit = 0.3
ξcrit = 0.43

0 5 10 15 20 25 30 35 40 45 50
E [MeV]

1054

1054

1056

dN
 / 

dE
 [/

M
eV

]

νx

νe

Figure 6. Weighted average neutrino spectra of ⌫̄e (top panel)
and ⌫x (bottom panel), based on 101 2D core-collapse simulations
and a collection of simulations of collapse to black holes. The rel-
ative contributions from neutron star and black hole scenarios
are determined by the critical compactness, ⇠2.5,crit; progenitors
with compactness ⇠2.5 > ⇠2.5,crit are assumed to collapse to black
holes. For reference, the fraction of black hole collapses are 45%
(⇠2.5,crit = 0.1), 17% (⇠2.5,crit = 0.2), 5% (⇠2.5,crit = 0.3), and 0%
(⇠2.5,crit = 0.43). Above ⇠2.5,crit = 0.43, there is no black hole con-
tribution.

other currently-available suites of pre-supernova progenitor
models, we determine the average neutrino flux employing
the pre-supernova models of Woosley & Heger (2007). This
suite of progenitors in general has similar or higher com-
pactness compared to WHW02, reaching a peak compact-
ness of ⇠2.5 ⇡ 0.54 compared to 0.43 for WHW02. Also, a
second peak in compactness at ⇠ 40M� is evident, in addi-
tion to the peak around ⇠ 20M� that is seen in WHW02
and Sukhbold & Woosley (2014). These features manifest as
a harder predicted average neutrino spectra, because higher
compactness yields higher neutrino luminosities and mean
energies (Figure 3). In Section 3.4, we show how this a↵ects
the DSNB event rate prediction.

3.3 DSNB flux prediction

The DSNB is determined by integrating the cosmic history
of the comoving core-collapse rate, RCC (z), by the mean neu-
trino spectrum per core collapse, dN/dE, appropriately red-
shifted, over cosmic time (see, e.g., Beacom 2010, for a recent
review),

d�
dE
= c

π
RCC(z)

dN
dE 0 (1 + z)

���� dt
dz

���� dz , (14)

where E 0 = E(1+z) and |dz/dt | = H0(1+z)[⌦m(1+z)3+⌦⇤]1/2.
We include contributions out to a redshift of 5, which is
su�ciently large to include the majority of the DSNB flux
(Ando & Sato 2004) for ⇠ 10 MeV neutrino energy threshold.

MNRAS 000, 1–14 (2016)

Horiuchi, Sumiyoshi, Nakamura+’18, MNRAS
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Figure 5. Observed polarization data of SNe 2009jf (left) and 2009mi (right) around the O i line (circles connected with the blue line) and Ca ii line (squares connected
with the red line). The polarization data are binned into 50 Å, giving a velocity resolution of about 1900 and 1700 km s!1 for the O i and Ca ii lines, respectively. The
interstellar polarization is not corrected for. Different colors represent different Doppler velocities as shown in the color bar above the plots. Although the Ca ii triplet
seems to be resolved in the total flux of SNe 2009jf and 2009mi (Figure 3), the velocity in this figure is simply measured from the mean wavelength (8567 Å). In our
data, there is no evidence for an additional high-velocity component of the Ca ii line as seen in some other SNe (see, e.g., Maund et al. 2009). The O i and Ca ii features
show a loop in the Q – U plane, indicating non-axisymmetric distribution. In addition, the Ca ii line in SN 2009mi shows a large change of the angle measured from
the reference point.
(A color version of this figure is available in the online journal.)

Table 2
Summary of Line Polarization

Object Type 3D? Epoch PFeII PCaII POI PNaI/HeI FDFeII FDCaII FDOI FDNaI/HeI Ref.
(day) (%) (%) (%) (%)

SN 2005bf Ib Yes !6 0.8 (0.2) 3.5 (0.5) 0.0 (0.3) 1.2 (0.2) 0.37 (0.03) 0.50 (0.05) 0.0 (0.0) 0.40 (0.03) 1
8 0.4 (0.2) 1.5 (0.3) 0.0 (0.5) 0.6 (0.4) 0.21 (0.02) 0.39 (0.02) 0.0 (0.0) 0.46 (0.02) 2

SN 2008D Ib Yes 3.3 0.8 (0.2) 1.8 (0.3) 0.5 (0.13) 0.4 (0.2) 0.35 (0.03) 0.49 (0.02) 0.23(0.03) 0.46 (0.02) 3
18.3 1.0 (0.3) 2.5 (0.7) 0.3 (0.13) 1.1 (0.1) 0.50 (0.05) 0.58 (0.05) 0.24 (0.02) 0.58 (0.02) 3

SN 2009jf Ib Yes 9.3 0.4 (0.2) 1.2 (0.2) 0.9 (0.2) 0.5 (0.2) 0.32 (0.03) 0.69 (0.02) 0.38 (0.02) 0.38 (0.02) This paper

SN 2002ap Ic Yes 1 0.18 (0.05) · · · 0.8 (0.1) 0.0 (0.05) 0.20 (0.03) · · · 0.38 (0.02) 0.04 (0.02) 4,5
3 0.12 (0.05) · · · 0.6 (0.1) 0.0 (0.1) 0.21 (0.03) · · · 0.34 (0.02) 0.04 (0.02) 4,5
6 0.0 (0.1) 0.3 (0.1) 0.5 (0.1) 0.0 (0.1) 0.27 (0.05) 0.36 (0.05) 0.50 (0.05) 0.06 (0.02) 6

27 · · · 1.6 (0.1) 0.0 (0.2) 0.2 (0.1) · · · 0.65 (0.04) 0.41 (0.05) 0.31 (0.03) 4
SN 2007gr Ic No 21 0.0 (0.3) 2.5 (0.3) 0.0 (0.3) 0.0 (0.3) 0.42 (0.03) 0.88 (0.02) 0.56 (0.02) 0.65 (0.02) 7
SN 2009mi Ic Yes 26.5 0.5 (0.2) 0.9 (0.2) 0.5 (0.2) 0.0 (0.2 0.41 (0.04) 0.83 (0.02) 0.56 (0.02) 0.46 (0.02) This paper

References. (1) Maund et al. 2007b; (2) Tanaka et al. 2009a; (3) Maund et al. 2009; (4) Kawabata et al. 2002; (5) Wang et al. 2003b; (6) Leonard et al. 2002;
(7) Tanaka et al. 2008.

show a loop in the Ca ii line. Thus, loops are quite common in
stripped-envelope SNe; five of six stripped-envelope SNe show
the loop. This implies that a non-axisymmetric, 3D geometry is
common in stripped-envelope SNe.

4.2. Relation between Line Polarization and Absorption Depth

Figure 6 shows the observed line polarization as a function
of epoch from maximum brightness. There is a large variety
in the polarization degree. It is clear that the Ca ii line (blue)

tends to be more polarized than the other lines. There is no clear
trend in the time evolution; the line polarization could increase
or decrease with time.

Figure 7 shows the same polarization data as a function of the
fractional depth (FD) of the absorption. The FD is defined as

FD = Fcont ! Fabs

Fcont
, (3)

6

Tanaka+’12

Spectropolarimetric obs.

SN 1987A
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leakage scheme of O’Connor & Ott (2010), whose 3D version
was also employed in Ott et al. (2012, 2013). The neutrino
leakage scheme includes a multiplicative factor, fheat, in the
neutrino heating source term, which can be adjusted to yield
more efficient neutrino heating (i.e., fheat > 1). The leakage
scheme with fheat = 1.00 is tuned to match the multiangle,
multigroup full neutrino transport simulations of Ott et al.
(2008). In all simulations reported here, we use 3D Cartesian
geometry with a finest grid spacing dxmin = 0.49 km. Using
adaptive mesh refinement, we achieve a pseudo-logarithmic grid
by decrementing the maximum allowed refinement level as a
function of radius. The typical effective “angular” resolution is
0.!37.

We use a single progenitor model, the 15 M" star of Woosley
& Heger (2007). In order to study the dependence of 3D CCSN
simulations on asphericities extant in the progenitor, we apply
perturbations to the 1D stellar profile. We seed perturbations that
are convolutions of sinusoidal functions of radius and angle.
For simplicity, we perturb only the velocity in the spherical
! -direction and leave all other variables untouched. The form of
the sinusoidal perturbation to v! is

"v! = MpertcS sin[(n # 1)! ] sin[(n # 1)# ] cos(n$) , (1)

where Mpert is the peak Mach number of the perturbations, cS is
the local adiabatic sound speed, n is the number of nodes in the
interval ! = [0,% ], and # = % (r#rpert,min)/(rpert,max #rpert,min).
The perturbations are only applied within a spherical shell
with radial limits rpert,min < r < rpert,max. We scale the
perturbations with local sound speed so that the peak amplitudes
of the perturbations are constant in Mach number, not absolute
velocity. This results in higher-speed perturbations at smaller
radii where the sound speeds are larger. Importantly, for odd
node numbers, Equation (1) results in zero net momentum
contribution to the initial conditions. We have verified this
experimentally to machine-precision.

3. RESULTS

We start our 3D simulations from the results of 1D simulations
at 2 ms after core bounce, and it is at this point that we apply the
perturbations given by Equation (1). In the results we discuss
here, we use a node count n = 5 and peak perturbation Mach
number Mpert = 0.2. This establishes large-scale perturbations
that are similar in extent and speed to some convective plumes
found in multi-D progenitor burning simulations (Meakin &
Arnett 2007; Arnett & Meakin 2011). We choose rpert,min to
correspond to the inner edge of the silicon shell (i.e., the outer
edge of the iron core). For this progenitor at the time of core
bounce, this corresponds to a radius of $1000 km. We set
rpert,max = 5000 km, which is sufficiently large to never reach
the shock during the simulated time period. Figure 1 shows a
pseudo-color plot of the perturbations used in this study.

We present the results of four 3D simulations, two perturbed
and two unperturbed. We use two different heat factors for
both perturbed and unperturbed case: fheat = 1.00 and a
slightly enhanced heating case with fheat = 1.02. We refer
to the simulations using the scheme n[node count]m[initial
perturbation Mach number, times ten] fheat [heat factor], such
that the perturbed model with enhanced heat factor is referred
to as “n5m2 fheat 1.02.”

We find that introducing plausibly scaled velocity perturba-
tions in the Si shell of the progenitor star can trigger a successful
explosion for cases in which an unperturbed simulation fails.

Figure 1. Example of the initial ! -velocity perturbations applied in this study.
Shown is the a meridional slice of the Mach number of the ! -direction velocity.
The arrows in the outer ring of perturbations show the local velocity directions.
(A color version of this figure is available in the online journal.)

Figure 2 shows several entropy volume renderings for models
n0m0 fheat 1.02 and n5m2 fheat 1.02 at three postbounce times.
The only difference between these two models is the presence
of initial velocity perturbations in the Si/O layer. Model n5m2
fheat 1.02 results in continued runaway shock expansion and
asymmetric explosion, as clearly shown, while model n0m0
fheat 1.02 fails to explode and the shock recedes to small radii.
At 100 ms, only shortly after the perturbations have reached the
shock, both simulations are quite similar showing strong con-
vection following the preceding period of shock expansion. By
200 ms, however, differences in the models are obvious. The
shock has already begun to recede in n0m0 fheat 1.02 while
model n5m2 fheat 1.02 has retained a large shock radius and is
on the verge of runaway shock expansion. The last frames show
the final states of the two simulations. Model n5m2 fheat 1.02
has exploded, resulting in a large, asymmetric shock structure,
while the shock has fallen back to $100 km in model n0m0
fheat 1.02.

In Figure 3, we present the time evolutions of several global
metrics for our four 3D simulations. The top panel of Figure 3
shows the average shock radius. All models, with the exception
of n5m2 fheat 1.02, fail to explode. Compared with the control
case, n0m0 fheat 1.00, both n0m0 fheat 1.02 and n5m2 fheat 1.00
show longer stalled-shock phases prior to shock recession. These
two intermediate cases, despite employing different heat factors,
show remarkably similar average shock radius histories. In the
case of the successful explosion, n5m2 fheat 1.02, the average
shock radius remains extremely similar to the comparable
unperturbed model, n0m0 fheat 1.02, until about 100 ms after
bounce. The average shock radius of n5m2 fheat 1.02 remains
relatively constant just below 200 km until tpb $ 200 ms at
which point the shock begins to expand rapidly, signaling the
onset of explosion.

The second panel of Figure 3 shows a measure of the
overall shock asymmetry, the normalized standard deviation
of the shock radius &̃ . The shock asymmetry grows as n5m2
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Figure 2. Volume renderings of entropy for models n0m0 fheat 1.02 (left column)
and n5m2 fheat 1.02 (right column) at three different postbounce times, from
top to bottom: 100 ms, 200 ms, and 300 ms. The spatial scale is noted at the
bottom of each pane and increases with time. The PNS is visible in the center
of the renderings, marked by a magenta constant-density contour with value
1012 g cm!3.
(A color version of this figure is available in the online journal.)

fheat 1.02 experiences runaway shock expansion, indicating that
the explosion is aspherical, as is also clear from the bottom-right
panel of Figure 2. The failed explosions show comparatively
small values of !̃ , implying relative sphericity of the shock
surface, until strong SASI oscillations set in after the shock has
receded (see Couch & O’Connor 2013).

The presence of pre-shock perturbations has substantial im-
pact on the neutrino heating efficiency, " = Qnet(L#e

+ L#̄e
)!1.

As shown in the third panel of Figure 3, for n5m2 fheat 1.00,
the heating efficiency history is very similar to that of n0m0
fheat 1.02. This implies that the perturbations drive nonra-
dial motion that increases the dwell time of material in the
gain region, significantly enhancing the fraction of neutrino
luminosity absorbed. For n5m2 fheat 1.02, the combination of
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Figure 3. Time evolution of the global explosion diagnostics for our simulations.
Four 3D simulations are shown: unperturbed models with fheat 1.00 (black
lines) and 1.02 (blue lines), and perturbed models with fheat 1.00 (green
lines) and 1.02 (red lines). The top panel shows the average shock radius.
The second panel shows the normalized standard deviation of the shock radius,
!̃ = "rshock#!1[(4$ )!1

!
d!(rshock ! "rshock#)2]1/2. The third panel shows the

heating efficiency, " = Qnet(L#e + L#̄e )!1. The bottom panel shows the ratio of
advection-to-heating time scales.
(A color version of this figure is available in the online journal.)

fheat > 1 and pre-shock perturbations results in a sufficiently in-
creased heating efficiency to initiate a neutrino-driven explosion.
Also, " depends sensitively, and nonlinearly, on fheat. The time-
averaged heating efficiencies for simulations n0m0 fheat 1.00,
n0m0 fheat 1.02, n5m2 fheat 1.00, and n5m2 fheat 1.02 are 0.062,
0.080, 0.075, and 0.100, respectively.

It is almost exactly at the positive inflection in the average
shock radius curve of n5m2 fheat 1.02 ($200 ms) that the critical
condition for explosion, %adv/%heat > 1 is satisfied (Figure 3;
Thompson 2000; Janka 2001; Buras et al. 2006; Fernández
2012). Here we define the average advection time through the
gain region as %adv = Mgain/Ṁ and the gain region heating time
as %heat = |Egain|/Qnet, where |Egain| is the total specific energy
of the gain region and Qnet is the net neutrino heating in the
gain region (cf. Müller et al. 2012; Ott et al. 2013). During
the stalled-shock phase of n5m2 fheat 1.02, around 100–200 ms,
the ratio %adv/%heat is growing continuously. Once this critical
ratio exceeds unity, thermal energy builds up in the gain region
faster than it can be advected out into the cooling layer and the
shock begins to expand.

In order to assess the magnitude of the perturbations as they
are actually impinging upon the shock, and their effect on the
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ongoing core-collapse phase, emitting neutrinos via the pair-
neutrino process.

KamLAND is a one-kiloton size liquid-scintillation-type
neutrino detector (see, e.g., Gando et al. 2013). We take the

neutrino oscillation into account in a simple manner: the
survival probability of Oē is set to be 0.675 and 0.024 in the
normal and inverted mass ordering, respectively (Yoshida et al.
2016). The live-time-to-runtime ratio and the total detection

Figure 7. The time variation of the 28Si mass fraction distribution of model 25M at t!=!0 s (top left), 10 s (top right), 30 s (middle left), 75 s (middle right), 90 s
(bottom left), and 105 s (bottom right). An animated version of this !gure is available, showing the time variation from t!=!0 to 105 s. The animation duration is 13 s.

(An animation of this !gure is available.)
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assuming a full spherical geometry. The gravitational energy con-
tribution from material on the computational grid is calculated
according to

EG !
Z

GM r" # dM
r

dr; "13#

where the mass increment is dM $ 4!r 2h"i and the integral is
taken over the radial limits of the grid.
The total kinetic energy levels off in all of the models by t %

300 s. The 2D models are characterized by a much larger overall
kinetic energy. The total kinetic energy settles down to a slow in-
crease as the oxygen shell evolves; this is true for both 2D and
3D.
The radial profiles of the rms velocity fluctuations are presented

in Figure 6 for the 2D and 3D models. The velocity fluctuation
amplitudes in all of the 2D models are higher than the 3D model
by a factor of %2. The 2D models also assume a significantly
different radial profile than the 3Dmodel and a flow structure that
is dominated by large convective vortices that span the depth of
the convection zone. The signature of these large eddies is ap-
parent in the horizontal velocity components, as well as the fairly
symmetric shape of the radial velocity profile within the convec-
tion zone. The velocity components in the 3Dmodel reveal an up-
flowing and downflowing circulation with horizontal deflection
taking place in a fairly narrow layer at the convective boundaries.
Although significant differences exist between 2D and 3D

models, the 2D models are found to be in good agreement with
each other to the extent that the statistics have converged, which
are calculated over the time period t2 &300; 450' s. The time
period for calculating statistics was limited by the model ob.2d.C,
which was only run as far as t % 450 s. The agreement among the
2D models shows that the outer boundary condition (tested by
model ob.2d.e) and the grid resolution (tested by model ob.2d.C)
are not playing a decisive role in determining the overall structure
of the flow, at least in these preliminary tests. The agreement in
overall velocity amplitude in the upper stable layer in model
ob.2d.e indicates that the stable layer velocity amplitudes are not
strongly affected by the details of themodes that are excited in that
region. This gives credence to the analysis in Meakin & Arnett
(2007), which assumes that the stable layer velocity amplitudes
are determined by the dynamical balance between the convective
ram pressure and the wave-induced fluctuations.
The convective turnover times tc $ 2!R/vconv for the 2Dmod-

els are all of order tc % 40 s, and they span between 10 and 55
convective turnovers. The turnover time for the 3D model is
tc % 100 s, and the model spans approximately eight convective
turnovers.

Fig. 4.—Time evolution of the 3D oxygen shell burning model. Top: Mag-
nitude of the oxygen abundance gradient is shown and illustrates the migration of
the convective boundaries into the surrounding stable layers. Interfacial oscil-
lations are also apparent in the upper convective boundary layer (r % 0:85 ; 109

cm), and internal wavemotions can be seen quite clearly in the upper stable layer.
Bottom: Kinetic energy density is shown and illustrates the intermittent nature of
the convective motions. The upwelling chimney-like features in the convective
region are seen to excite internal wave trains in the stable layers, which propagate
away from the boundaries of the convection zones. See also Fig. 25.

Fig. 3.—Time sequence showing the onset of convection in the oxygen shell burning model. The first 200 s of the 2D model (ob.2d.c) is shown, including the initial
transient and the settling down to a new quasiYsteady state. The light yellow line indicates the location of the convective boundary as defined in the 1D TYCHO stellar
evolution model (Ledoux criterion), which was used as initial conditions for the simulation.

MEAKIN & ARNETT454 Vol. 667
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Asphericity is imposed before collapse.

Multi-D stellar evolution studies
for convective O-shell burning.

→ convection with large-scale eddies,
which might help shock expansion.



ends. Furthermore, redistribution of angular momentum and
chemical species were modeled using a set of prescriptions and
assumptions for mixing and transport processes. In particular,
all torques were assumed to lead to rigid rotation on some
physical timescale (Fryer & Heger 2000). The ‘‘magnetic’’
models of Heger et al. (2003b) assume a magnetic dynamo
process that generates fields that inhibit differential rotation
and lead to slower core rotation at collapse.

In Figure 3 the profiles for selected models of the initial
angular velocity versus radius are shown. Note that the differ-
ences due to different progenitor masses are negligible com-
pared with the order-of-magnitude differences introduced by
the inclusion of magnetic field effects during stellar evolution.
One shouldbe cautious, however, in accepting these results since
research on stellar evolution with rotation is still in its infancy.

4. NUMERICAL TECHNIQUES

4.1. Equations of State

For all our calculations involving realistic progenitor models
we have made use of the EOS of Lattimer & Swesty (1991). It is
based on the finite-temperature liquid drop model of nuclei
developed in Lattimer et al. (1985). Our particular implemen-
tation is the one presented in Thompson et al. (2003) that uses a

three-dimensional table in temperature (T ), density (!), and Ye.
At each point in the table the specific internal energy, the
pressure (P), the entropy per baryon (s), and compositional
information are stored. Using integer arithmetic to find nearest
neighbor points for a given set of !, T, and Ye, the need for time-
consuming search algorithms has been eliminated. Given !, T,
and Ye, the code performs three six-point bivariant interpola-
tions in the T-! planes nearest to and bracketing the given Ye
point. A quadratic interpolation is then executed between Ye
points to obtain the desired thermodynamic quantity. Since our
hydrodynamic routine updates specific internal energy, we
employ a Newton-Raphson/bisection scheme that iterates on
temperature at a fixed internal energy until the root is found to
within a part in 108.

The Lattimer-Swesty EOS extends down to only !5"
106 g cm#3, and its validity in this density regime is guaran-
teed only for fairly high temperatures, where the assumption
of nuclear statistical equilibrium (NSE) still holds. For cal-
culations involving lower densities, Thompson et al. (2003)
have coupled the Lattimer-Swesty EOS to the Helmholtz EOS
(Timmes & Arnett 1999; Timmes & Swesty 2000), which
contains electrons and positrons at arbitrary degeneracy and
relativity; photons, nuclei, and nucleons as nonrelativistic ideal
gases; and Coulomb corrections.

Fig. 3.—Initial angular velocity profiles of the rotating 15 (blue) and 20 (green) M$ progenitor models (see Table 1 for model parameters). The dotted red profiles
were generated with the rotation law of eq. (5) using the central ! of model e15 for !0. All realistic presupernova models exhibit near rigid rotation inside
’1000 km. Note the much smaller angular velocities exhibited by models m15b4 and m20b4, which were evolved with the inclusion of magnetic fields.
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principle constitute a problem because no other source for their
production has been identi!ed so far. The block of Fe-peak
nuclei (Sc–Zn) is signi!cantly (and correctly) underproduced
with respect to O, since these elements are mainly produced

by SNe Ia. The elements Ga to Zr, the so-called s-weak
component, are more or less coproduced with O, the only
exceptions being Ga and As that are slightly overproduced; this
result con!rms the general belief that massive stars contribute
signi!cantly to the synthesis of these elements. The [X/O]
of all elements heavier than Zr drops quickly well below zero,
which means that they are not produced by massive stars.
A comparison between sets F (red) and M (green) in Figure 24

shows the effect of the MFB, at least in the framework of the
parameters (inner and outer borders of the mixed zone and !nal
mass cut) described above. The differences between the two sets
are obviously con!ned to the elements mainly produced in the
more internal zones by explosive burning. In particular, the [X/
O] of Si ( Si28 ), S ( S32 ), Ar ( Ar36 ), Ca ( Ca40 ), Ti ( Cr48 ), V
( Mn51 ), Cr ( Fe52 ), and Mn ( Co55 ) decrease in set M. By the way,
we report in the parentheses either the most abundant isotope of
that element if it is synthesized directly, or its parent isotope if it
is fed from the decay of another isotope. The reason for such a
decrease is that these elements are mostly synthesized by
incomplete explosive Si burning and/or explosive O burning, in
regions more external than those where Ni56 is produced.
Therefore, the MFB mechanism spreads them back to a region
that remains locked in the remnant. Ni, on the contrary, shows
the opposite behavior, its [X/O] slightly increasing in set M. The
reason is that Ni ( Ni58 ) is basically produced by complete
explosive Si burning, in zones more internal than those where

Ni56 is synthesized, and in this case, the effect of the MFB is to
mix some Ni58 from the region where it would be locked in the
remnant into the one that is then ejected, therefore raising its
yield. It is worth noting that the odd–even effect, usually
interpreted in terms of initial metallicity, is actually signi!cantly
affected by the possible presence of MFB. In fact, while the
yields of the ! elements Si, S, Ar, and Ca are lowered by the
MFB (see above), the ones of P, Cl ( Cl35 ), and K ( K39 ) remain
basically constant because they are mainly synthesized (at solar
metallicity) in the C convective shell, which is not affected by
the MFB. For the sake of completeness, we remind readers that
the other, much less abundant, isotopes of Cl and K, namely

Cl37 , K40 , and K41 , are mainly produced by He burning. Sc and
Co deserve speci!c comments because they are usually
considered elements produced by explosive burning (and hence
they should be affected by the MFB) while, on the contrary, both
elements have an important (secondary) contribution from the
hydrostatic burning. Sc is produced either as Ti45 by explosive O

Figure 20. Scaling of !"(N, Mg)He-burn (see the text for the de!nition of this parameter) with the initial metallicity for models of initial rotation velocity
v!=!300 km s!1.

Figure 21. Plot of the compactness parameter Y � �: :( ) ( ) !M M R 10 km M2.5 i i
3

i 2.5
as a function of MCO for all models, rotating or not.

Figure 22. Same as Figure 21 but now as a function of the initial mass.
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2 T. Takiwaki et al.

in Section 2. We discuss our results in Section 3, followed by
a summary in Section 4

2 NUMERICAL SETUP AND PROGENITOR

MODEL

Initial conditions are taken from the 11.2 and 27.0 M! pre-
supernova progenitors of Woosley et al. (2002). The mod-
els, which have been used in Takiwaki et al. (2012, 2014);
Hanke et al. (2013); Müller (2015), are useful to clearly ex-
plore the impacts of rotation The initially constant angular
frequency of !0 = 1 or 2 rad/s is imposed inside the iron core
with a cut-o" (! r"2) outside. Although these angular fre-
quencies are close to the high-end of those from most recent
stellar evolution models (e.g., Heger et al. (2000, 2005), see
also discussions in Ott et al. (2006)), we assume such rapid
rotation to clearly see the impacts of rotation in this study.
The model name is labeled as ”s11.2-R1.0-3D”, which repre-
sents the 11.2 M! model with !0 = 1 rad/s that is computed
in 3D simulation.

Our numerical method is based on that in
Takiwaki et al. (2014) except several points. We use
the equation of state (EOS) by Lattimer & Douglas Swesty
(1991) (incompressibility K = 220 MeV). Our code
employs a high-resolution shock capturing scheme with
an approximate Riemann solver of Einfeldt (1988) (see
Nakamura et al. (2015) for more details). For the calculation
presented here, self-gravity is computed by a Newtonian
monopole approximation1. Our fiducial 3D models are
computed on a spherical polar grid with a resolution of
nr "n! "n" = 384" 64" 128, in which non-equally spatial
radial zones covers from the center to an outer boundary
of 5000 km.2 Our spatial grid has a finest mesh spacing
drmin = 0.5 km at the center and dr/r is better than 2% at
r # 100 km. For a numerical resolution test, we compute
high-resolution runs with nr " n! " n" = 384" 128" 256.

In total, we have computed nine 3D models, which con-
sists of six models with the fiducial resolution (i.e., the
two progenitors with !0 = 0, 1, 2 rad/s) and three high-
resolution runs for the 11.2 M! model. By using the fastest
K computer in Japan, it typically took 2 months (equiva-
lently $ 15 Pflops-day computational resources) for each of
the high-resolution runs.

3 RESULTS

Figure 1 summarizes the blast morphology for the 11.2M!

(left panels) and 27.0M! star (right panels), which are help-
ful to compare the hydrodynamics features between the non-
rotating (top) and rapidly rotating (bottom) models, respec-
tively.

In the non-rotating models, s11.2-R0.0-3D (top left)

1 Our 3D rotating models with an improved multipole approx-
imation of gravity (e.g., Couch et al. (2013)) explode more en-
ergetically than those only with the monopole contribution (see,
more details in Takiwaki et al. in preparation).
2 This choice of the outer boundary position was shown to be in-
significant especially in the simulation timescale (! 300 ms post-
bounce) in this work (see section 2.3 in Nakamura et al. (2015)).

Figure 1. 3D iso-entropy surfaces showing the blast morphology
for the non-rotating (top panels) and rapidly rotating (bottom
panels) models of the 11.2 (left) and 27.0M! star (right), respec-
tively. For each panel, the time is given at the top right corner,
which is measured relative to core bounce (t ! 0). The rotational
axis is shown in the left bottom panel (z-axis) and the viewing
angle of each plot is all the same.

shows typical features of neutrino-driven convection in the
postshock regions. The rising plumes grow stronger and
larger in angular size from the initial small mushroom-like
Rayleigh-Taylor fingers.

In models with rapid rotation, a clear oblate explosion
is obtained for model s27.0-R2.0-3D (bottom right), in which
the revived shock expands more strongly in the equatorial
plane. This feature is only weakly visible for model s11.2-
R2.0-3D (bottom left) due to the early shock revival (see also,
top panel of Figure 2). Later we present detailed analysis of
the origin of the oblate explosion and point out a new aspect
of rapid rotation for assisting explosions.

Before going into detail, let us shortly summarize the
evolution of the shock and (diagnostic) explosion energy of
all the computed models in Figure 2. The top panels are for
the 11.2 M! series with di"erent !0 and di"erent numerical
resolution (with the high resolution being ended with H).
The average shock radii of the standard resolution models
(solid line) and high resolution models (dashed line) do not
deviate from each other. It is important to present that our
results do not strongly depend on the grid size3.

The bottom panel of Figure 2 shows that all the vari-
ations of the non-rotating 27M! progenitor star do not
trend toward an explosion very clearly during the simula-
tion, whereas the rapidly rotating model does so (red solid
line) with the diagnostic energy much bigger than those

3 Apparently our resolution is not su!cient for reproducing re-
alistic viscosity (Couch & Ott 2015)). The convergence may be
partly due to the di"usive feature of the HLLE scheme employed
in this work (e.g., Radice et al. (2015)).
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Figure 4. Three-dimensional plots of entropy with the magnetic field lines (left) and the streamlines of the matter (right) during the jet propagation for models
of B12TW1.0 (top) and B10TW1.0 (bottom), at 20 ms and 94 ms after bounce, respectively. The outer edge of the sphere colored by blue represents the radius of
7.5 ! 107 cm. Note that the models of the top and bottom panels belong to the prompt and delayed MHD exploding models, respectively. These panels highlight not
only the wound-up magnetic field around the rotational axis (left), but also the fallback of the matter from the head of the jet downward to the equator, making a
cocoon-like structure behind the jet (right).
(A color version of this figure is available in the online journal.)

for the shock-revival is estimated as follows. The matter behind
the stalled-shock is pushed inward by the ram pressure of the
accreting matter. This ram pressure is estimated as

P = 4 ! 1028
!

!

1010 g cm"3

" !
!v

2 ! 109 cm s"1

"2

erg cm"3,

(11)
where the typical density and the radial velocity are taken from
Figure 1 and the bottom right panel of Figure 5, respectively.
When the toroidal magnetic fields are amplified as large as #
1015 G due to the field wrapping behind the shock, the resulting
magnetic pressure, B2

8"
, can overwhelm the ram pressure, leading

to the magnetic shock-revival. The origin of the similarity of the
jets seen in Figure 3 comes from this mechanism. We find
that this process works in all the computed models. It is noted
that the importance of the magnetic-shock revival was noticed
also in the analytic models by Uzdensky & MacFadyen (2007a,

2007b). In addition to their expectations, our simulations show
that the explosion energy becomes smaller than their estima-
tions because the magnetic tower cannot be wider as they
assumed.

From the bottom panels of Figure 8, it can be seen that the
poloidal fields behind the shock front do not depend on the
initial rotation rate so much given the same initial field strength,
while the difference of the poloidal magnetic fields behind the
shock in the bottom panels of Figure 7 simply comes from the
difference in the initial field strength. This feature is observed
in both the prompt and delayed models.

4.4. Dependence of Jet Arrival Times and Explosion Energies
on Initial Rotation Rates and Magnetic Field Strengths

In the previous section, we discussed the similarities among
the computed models. From this section, we move on to discuss
the differences among them.

Takiwaki+’09
→ Shibagaki-sanʼs poster.

If the progenitor core is rapidly rotating (with strong B-field),
explosion dynamics drastically changes.

Rotating CCSNe MHD-driven explosion
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Figure 1:

Dependency of CF (red squares) and MF (blue triangles) with primary mass for MS stars and
field VLM objects. The horizontal errorbars represent the approximate mass range for each
population. For B and O stars, only companions down to q ! 0.1 are included. The frequencies
plotted here are the best-estimate numbers from Sections 3.1–3.5, also reported in Table 1.

5.1.3 Mass ratio distribution Although a simple power law representation is imper-
fect for most samples, this formalism o!ers the most straightforward criterion to compare

multiple systems of various masses. As shown in Figure 2, the observed distribution of mass
ratios is close to a flat distribution (|!| ! 0.5) down to q ! 0.1 for all masses M! " 0.3M!,

extending to high-mass stars the conclusions of Reggiani & Meyer (2011). Below this limit,

the mass ratio distribution becomes increasingly skewed towards high-q systems. Further-
more, shorter-period systems among solar-type and low-mass stars have a steeper mass

ratio distribution than wider systems.

Many past studies have favorably compared the mass distribution of companions to that
expected from random pairing from the IMF for field objects. In this situation, and leaving

aside the “smearing” induced by broad ranges of primary masses (Tout 1991), ! should
increase from -2.3 (Salpeter’s slope) at the high-mass end to ! 0 around or below the

substellar limit, which does not match observations at any primary mass. Although a

proper comparison between observations and theory/simulations should be conducted on
the raw f(q) distributions rather than on estimated power law indices, the hypothesis of

random pairing from the IMF is robustly excluded by observations (see Figure 2). On the

other hand, the rarity of substellar companions to low-mass stars suggests an alternative
model in which the mass ratio distribution is flat between q = 1 and a minimum companion

mass, Mmin
sec , that is independent of the primary mass (at least up to M! ! 1.5M!) and

20 Gaspard Duchêne & Adam Kraus

Duchene & Kraus ’13

More than 60-80% of massive 
stars are in a multiple system.

Dependency of 
multiple system frequency (MF) 
and companion frequency (CF) 
with primary stellar mass.
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Equation of state - constraints from obs.

matter and consistently transitions to NSE with thousands
of nuclei (with experimentally or theoretically determined
properties) at low densities. Six RMF EOS by Hempel et al.
[75,85,88] (HS) are available with different RMF parameter
sets (TMA, TM1, FSU Gold, NL3, DD2, and IUF). Based
on the Hempel model, the EOS by Steiner et al. [80,85]
require that experimental and observational constraints are
satisfied. They fit the free parameters to the maximum
likelihood neutron star mass-radius curve (SFHo) or
minimize the radius of low-mass neutron stars while still
satisfying all constraints known at the time (SFHx).
SFHfo; xg differ from the other Hempel EOS only in
the choice of RMF parameters.
The EOS by Banik et al. [85,89] are based on the

Hempel model and the RMF DD2 parametrization, but also
include ! hyperons with (BHB!!) and without (BHB!)
repulsive hyperon-hyperon interactions.
The EOS by G. Shen et al. [86,87,90] are also based on

RMF theory with the NL3 and FSU Gold parametrizations.
The GShenFSU2.1 EOS is stiffened at currently uncon-
strained supernuclear densities to allow a maximum neu-
tron star mass that agrees with observations. G. Shen et al.
paid particular attention to the transition region between
uniform and nonuniform nuclear matter where they carried
out detailed Hartree calculations [91]. At lower densities
they employed an EOS based on a virial expansion that
self-consistently treats nuclear force contributions to the
thermodynamics and composition and includes nucleons
and nuclei [92]. It reduces to NSE at densities where the
strong nuclear force has no influence on the EOS.
Few of these EOS obey all available experimental and

observational constraints. In Fig. 1 we show where each
EOS lies within the uncertainties for experimental con-
straints on nuclear EOS parameters and the observational
constraint on the maximum neutron star mass. We color the
EOS that satisfy the constraints, and use the same colors
consistently throughout the paper.
The mass-radius curves of zero-temperature neutron

stars in neutrinoless "-equilibrium predicted by each
EOS are shown in Fig. 2. We mark the mass range for
PSR J0348+0432 with a horizontal bar. We also include the
2# semiempirical mass-radius constraints of model A of
Nätillä et al. [27]. They were obtained via a Bayesian
analysis of type-I x-ray burst observations. This analysis
assumed a particular three-body quantum Monte Carlo
EOS model near saturation density by [93] and a para-
metrization of the supernuclear EOS with a three-piece
piecewise polytrope [94,95]. Similar constraints are avail-
able from other groups (see, e.g., [28,96–98]).
Throughout this paper, we use the SFHo EOS as a

fiducial standard for comparison, since it represents the
most likely fit to known experimental and observational
constraints. While many of the considered EOS do not
satisfy multiple constraints, we still include them in this
study for two reasons: (1) a larger range of EOS allows us

FIG. 1. EOS Constraints from experiment and NS mass
measurements. The maximum cold neutron star gravitational
mass Mmax, the incompressibility K, symmetry energy J, and
the derivative of the symmetry energy L are plotted. ForMmax, the
bottom of the plot is 0, the minimum line is at 1.97M!, and the
maximum line is not used. The other constraints are normalized
so the listed minima and maxima lie on the minimum and
maximum lines. EOS that are within all of these simple
constraints are colored, and the color code is consistent through-
out the paper. Note that there are additional constraints on the NS
mass-radius relationship, which we show in Fig. 2, and joint
constraints on J and L [26] that we do not show.

FIG. 2. Neutron star mass-radius relations. The relationship
between the gravitational mass and radius of a cold neutron star is
plotted for each EOS. The EOS employed in this study cover a
wide swath of parameter space. EOS that lie within the con-
straints depicted in Fig. 1 are colored, and the color code is
consistent throughout the paper. We show the 2# mass-radius
constraints from “model A” of [27] as a shaded region between
two dashed lines. These constraints were obtained from a
Bayesian analysis of observations of type-I x-ray bursts in
combination with theoretical constraints on nuclear matter.
The EOS that agree best with these constraints are SFHo, SFHx,
and LS220.
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We report here on a new simpli!cation that arises in the
effective tidal deformability of the binary when the chirp mass
is measured accurately. We !nd that -

_
depends primarily on

the ratio of the chirp mass to the neutron star radius. Thus, we
!nd that -

_
can be used as a direct probe of the neutron star

radius, rather than of the compactness as is typically assumed.
In Section 2, we describe the measured properties of

GW170817. We show in Section 3 that the effective tidal
deformability is approximately independent of the component
masses, when the chirp mass is speci!ed. In Section 4, we use
the Newtonian limit to show analytically that the mass
independence arises from an inherent symmetry in the
expression for the effective tidal deformability. Finally, in
Section 5, we perform an example Bayesian inference of the
neutron star EOS from the measured tidal deformability and
chirp mass and a limited number of prior physical constraints
and discuss important statistical biases that can occur in such
inference schemes.

2. Properties of GW170817

The properties of GW170817 were inferred by matching the
observed waveform with a frequency-domain post-Newtonian
waveform model (Sathyaprakash & Dhurandhar 1991), with
modi!cations to account for tidal interactions (Vines et al.
2011), point-mass spin–spin interactions (Mikóczi et al. 2005;
Arun et al. 2011; Bohé et al. 2015; Mishra et al. 2016), and
effects due to spin–orbit coupling (Bohé et al. 2013). The
LIGO analysis using these models is summarized in Abbott
et al. (2017a) and references therein.

One of the most tightly constrained properties that was
inferred is the chirp mass, de!ned as

m m
m m

m
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q1
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1 2
3 5

1 2
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1 5
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( ) ( )
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where m1 and m2 are the masses of the primary and the
secondary neutron stars, respectively, and we have introduced
the mass ratio, q!!!m2/m1. The chirp mass was constrained to

M1.188c 0.002
0.004% � �

�
: at the 90% con!dence level, indepen-

dent of the particular waveform model or priors chosen (Abbott
et al. 2017a).

By assuming low-spin priors, as is consistent with the binary
neutron star systems that have been observed in our Galaxy,
the component masses were inferred from the chirp mass to
lie within the ranges m M1.36, 1.601 � :( ) and m2 �

M1.17, 1.36 :( ) , with a mass ratio of q 0.7, 1.0� ( ), all at
the 90% con!dence level (Abbott et al. 2017a). These masses
are consistent with the range of masses observed in other
neutron star systems (see Özel & Freire 2016 for a recent
review of neutron star mass measurements).

GW170817 also provided constraints on the effective tidal
deformability of the system, de!ned as
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(Flanagan & Hinderer 2008; Favata 2014). In Equation (2), we
saw that the dimensionless tidal Love number depends only on
the stellar compactness and the tidal apsidal constant, which in
turn depends on the equation of state and compactness.
Combining these expressions, we can explicitly write the

dependence of the effective tidal deformability on neutron star
properties as -

_
= -

_
(m1, m2, R1, R2, EOS).

Abbott et al. (2017a) constrain the effective tidal deform-
ability for GW170817 to be -

_
!!!800 at the 90% con!dence

level, which disfavors EOS that predict the largest radii stars. In
the following analysis, we will show that this measurement can
also be used to directly constrain the radii of the individual
neutron stars, independently of the component masses.

3. Effective Tidal Deformability for GW170817

We start with a simple illustration of our key result. Figure 1
shows the effective tidal deformabilities as a function of the
stellar radii for a number of realistic EOS. For each EOS, we
calculated these tidal deformabilities for various values of m1
that lie within the mass range inferred for GW170817 (shown
with different symbols). The corresponding values for m2 are
calculated assuming a !xed chirp mass, M1.188c% � :. The
results shown are very similar, whether we use the radius of the
primary or the secondary star.
We !nd that -

_
is almost entirely insensitive to the mass of

the component stars for the relevant mass range and depends
instead primarily on the radius of the star. In particular,
-
_

changes by nearly an order of magnitude between
R!=!10!km and R!=!15!km, but, for a given radius, changes
negligibly for masses spanning the full range
of m M1.36 1.61 � :– .
An upper limit of 8001-

_
immediately excludes radii

above "13!km at the 90% con!dence level, without requiring
detailed knowledge of m1. As shown in Figure 1, this rules out
the EOS that predict the largest radii, such as the hyperonic
EOS H4 (Lackey et al. 2006) and the !eld theoretic nucleonic
EOS with a low symmetry energy of 25!MeV, MS1b (Müller
& Serot 1996).
The trend found in Figure 1 is for a sample of six EOS.

However, this result is more general, as we will now show. It

Figure 1. Effective tidal deformability of the binary system as a function of the
radius of the primary neutron star. The tidal deformability is calculated for
various primary masses (corresponding to the different symbols) using several
proposed equations of state (corresponding to the different colors). The mass of
the secondary neutron star is found assuming the chirp mass, c% !=!1.188!M:,
from GW170817. The observed 90% con!dence upper limit on 800--

_
is

shown as the dotted line. The narrow band (which is indistinguishable from a
single curve) shows the range for q!=!0.7–1.0 from Equation (9). We !nd that
-
_

is relatively insensitive to m1 but scales strongly with radius, and that the
upper limit for GW170817 implies R!!!13 km.

2

The Astrophysical Journal Letters, 857:L23 (6pp), 2018 April 20 Raithel, Özel, & Psaltis

Raithel+’18

Tidal deformability of a binary system

GW170817

Too soft EOSs are abandoned. Too stiff EOSs are unlikely.

NS mass-radius relations



PYSICAL INGREDIENTS

Equation of state - 1D CCSN simulations

Progenitor: SN 1987A (Urushibata+ ’18)
EOSs: LS220, SFHo, Togashi
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PYSICAL INGREDIENTS

Numerical scheme (e.x. neutrino transport)

Light bulb method

Leakage scheme

Multi-group flux-limited diffusion method (MGFLD)

Isotropic diffusion source approximation (IDSA)

Monte Carlo method

Fully solving Boltzmann transport equation



PYSICAL INGREDIENTS

A variety of numerical code - which one is the best?

3DnSNe : Takiwaki, Kotake, & Suwa (2012,2014,2016); Takiwaki & Kotake (2018) 

Agile-Boltztran : Liebendoerfer et al. ApJ (2005)

FLASH : Fryxell et al. ApJS (2010)

FORNAX : Wallace, Burrows, & Dolence, ApJ (2016)

GR1D : OʼConnor & Ott, Class. Quantum Grav.  (2010) 

PROMETHEUS-VERTEX : Fryxell et al. (1989); Mueller et al. ApJS (2010)



PYSICAL INGREDIENTS

Code comparison

hydrodynamic codes maintain the steepness of this density gradient to varying degrees.
Regarding the smoothness of the AGILE-BOLTZTRAN result, we remind the reader of the
discussion in section 3.2 regarding the induced numerical diffusivity near sharp features in the

Figure 1.Mass accretion rate measured at 500 km as a function of postbounce time. We
show in the inset a zoomed in plot of the mass accretion rate near the time when the
silicon–oxygen interface accretes through 500 km. This gives a signi!cant and steep
drop in the mass accretion rate. All simulation codes predict a similar postbounce time
for this interface accretion.

Figure 2. Shock radius (solid) and PNS radius (dashed) evolution as a function of
postbounce time for each simulation in the comparison. The PNS radius is de!ned as
the radial location with a density of 1011 g cm!3, which is why it is non-zero before
bounce, while the shock radius is de!ned as the radius where the velocity is maximally
negative. In AGILE-BOLTZTRAN the shock front spans a large radial range, here we
take the radius where the velocity has dropped to half its peak value rather than the
radius of the maximally negative value.

J. Phys. G: Nucl. Part. Phys. 45 (2018) 104001 E O’Connor et al

10

O’Connor, Bollig, Burrows, Couch, Fischer, Janka, Kotake, Lentz, Liebendörfer, Messer, Mezzacappa, Takiwaki and 
Vartanyan, J. Phys. G (2018)

1D simulations using common
progenitor (20Mo), 
EOS (SFHo), 
neutrino opacities, 
neutrino species (νe,νeb,νx),

but different
gravity (full or effective GR), 
hydro and neutrino transport scheme, 
space geometry.
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UNPYSICAL INGREDIENTS

Spatial resolution

2D study by Yamamoto+ʼ19 (Master thesis).

Progenitor: SN 1987A model (Urushibata+ʼ18)

Code: 3DnSNe

EOS: LS220

Angular resolution: 

n(θ) = 64 (Low), 128 (Medium), 256 (High)

High resolution fosters turbulent motions,

which helps shock expansion.
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UNPYSICAL INGREDIENTS

Spatial resolution

Resolution Dependence of CCSN simulations 7

Low

Medium

High

Figure 4. Left: 3D volume renderings of the entropy of the core interior to the shock wave for
the three resolutions employed in this investigation at 100 ms after bounce. The blue veil traces
the shock wave. The scale of the box for each model is 2 ⇥ 190 km. Right: The same regions
shown as 2D slices of the corresponding 3D models at the same time. The increasing facility with
which the smaller structures are resolved as the grid resolution is improved is clearly brought
out. Entropy per baryon per Boltzmann’s constant ranges from 3.0 (blue) to 13 (red).

absorption, as the bottom panel of Figure 8 demonstrates.
Therefore, turbulence not only pushes the shock radius fur-
ther out, but it bootstraps a concomitant increase in the
deposited neutrino power. Both e↵ects together lie at the
core of the resolution dependence we witness. We now turn
to a discussion of the turbulence and its resolution depen-
dence.

3.3 Turbulence

Neutrino-driven convection behind the stalled shock wave
has been studied for decades (Herant et al. 1994; Burrows
et al. 1995; Fryer & Warren 2002; Murphy & Burrows 2008;
Hanke et al. 2013; Murphy et al. 2013) and has been shown
to be an essential factor in igniting the supernova within
the neutrino-driven paradigm (Burrows et al. 1995; Janka &
Müller 1996; Murphy & Burrows 2008; Murphy et al. 2013;
Dolence et al. 2013). The Rayleigh-Taylor-like instability
that naturally arises due to neutrino heating from below and

MNRAS 000, 1–17 (2019)

3D volume renderings of entropy at 100 ms after bounce (Fig. 4 in Nagakura+’19).

3D study by Nagakura+ʼ19.

Progenitor: 19Mo model (Sukhbold+ʼ16)
Code: FORNAX
EOS: SFHo (Steiner+ʼ13)

Angular resolution: n(θ) x n(φ) = 
64x128 (Low), 128x256 (Medium), 256x512 (High)
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Figures 2 & 10 in Nagakura+’19.

6 H. Nagakura et al.
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Figure 10. The transverse component of the turbulent kinetic en-
ergy (in units of 1049 ergs) in the gain region versus time (in seconds)
after bounce. Its increase with resolution is clearly shown. See text
for a discussion.

This translates into a delta in angle of ⇠2-3�6. In the gain
region of model 3DH, this encompasses ⇠4 angular zones.
Hence, it is not unexpected that our numerical inertial range
would not extend much further in `.

The implication of the trend with resolution in turnover
in ` seen in Figure 9 is that the numerical viscosity is higher
and the numerical Reynolds number is lower for lower reso-
lution. As Figure 9 implies, the ratio of the turnover `s and,
hence of the turnover ⌘s and dissipative scales, for models
3DL and 3DH is 2�4. This translates into an increase in the
e↵ective numerical viscosity (if it scales as ⇠ ✏1/3⌘4/3) of a
factor of 2.5�6 in going from model 3DH to 3DL. Even if
the exact scaling is not as given by Pao’s formula (eq. 1),
this general argument clearly suggests there is greater“drag”
on the turbulent flow for lower angular resolution. We see
the manifestations of this in the figures below. Importantly,
however, we find that the general level in the inertial range
of the turbulence spectra for models 3DM and 3DH is the
same, suggesting that the Kolmogorov dissipation rate ✏ is
also the same for these models and that the cascade flux
through  space has stabilized at a physical value. More-
over, the higher ` values at which model 3DH turns over are
one indication that the transverse turbulent energy density
for it is larger. Figure 10 depicts the associated clear trend
with resolution of the total transverse kinetic energy in the
gain region.

The anisotropic Reynolds stress tensor (Rij) is:

Rij =< ⇢v0iv
0
j > , (2)

where v0i is the ith component of the turbulent velocity after
subtraction of the mean flow (taken here to be radial) and ⇢
is the mass density. < · · · > is the angle average. For radial
support, the radial component of the Reynolds stress (Rrr)

6 Recall that our best �✓ is 0.7�.

is the most important and is generally larger than the cor-
responding value for the transverse ✓✓ and �� components
(Murphy et al. 2013). Rij/P , where P is the gas pressure, is
a metric of the relative contribution of the Reynolds stress
to the total stress/pressure, and, to within the � of the gas,
is the average of the square of the Mach number (M) of the
turbulence. These metrics are useful gauges of the impor-
tance of turbulence in the mean flow dynamics (Müller &
Janka 2015; Summa et al. 2016).

The left panel of Figure 11 portrays the radial profile
of the radial stress divided by the gas pressure, Rrr/P , for
the various 3D models and for post-shock times of 100, 150,
and 200 milliseconds. Its right panel portrays the associ-
ated average of the square of the turbulent Mach number
(< M2 >). The radius is normalized to the minimum shock
radius for the given snapshot and the given model. Figure
12 provides the same quantities for R✓✓ and the associated
< M2 >. To calculate Rrr, we subtract out the solid-angle-
averaged radial speed at the given radius in the gain region.
We do not need to subtract a mean in calculating R✓✓.

As demonstrated with Figures 11 and 12, the contribu-
tion of the turbulent stress to the total stress behind the
shock in the gain region is generally larger for better re-
solved models. As the earlier turno↵ in ` found in Figure 9
suggests, numerical viscosity is largest for the least resolved
model. As Figures 11 and 12 suggest, this translates into
weaker turbulence for the least resolved models and stronger
turbulence as angular resolution improves. As stated in §3.2,
the greater turbulent stress pushes the stalled shock radius
further out, which in turn results in greater neutrino power
deposition in the gain region. Together, and as indicated in
Figure 2, these e↵ects make a better resolved model more
explodable. However, what resolution is required to achieve
a converged solution has yet to be determined. Nevertheless,
that increasing resolution better supports explosion is both
a boost to the theoretical viability of the neutrino mecha-
nism and a cautionary tale � along with the microphysics,

MNRAS 000, 1–17 (2019)
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Spatial resolution

3D study by Nagakura+ʼ19.

High resolution fosters turbulent motions,
which helps shock expansion.
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Stochastic behavior

2D study by Hideshima+ʼ19 (Master thesis).

Progenitor: SN 1987A model (Urushibata+ʼ18)
Code: 3DnSNe
EOS: LS220

30 simulations with common setups
except a seed of random density perturbation.

Simulation results show a wide variation of Eexp.
Fitted by Gaussian distribution with

median: 0.471
variance: 0.0491
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DO SIMULATIONS REPRODUCE OBSERVATIONS?
OBSERVATIONS CONSTRAIN SIMULATIONS.

Parametric initial conditions to make 1051-erg explosion (Baron & Cooperstein ʼ90; Suwa & Mueller ʼ16)

Parametric energy growth/injection rate to reproduce 
explosive nucleosynthesis including 56Ni. 
(Suwa+ ʼ19; Sawada & Maeda ʼ19)

typical amount of 56Ni thus obtained for well-studied SNe is
!0.07Me (e.g., SN 1987A, SN 1994I, SN 2002ap; Arnett
et al. 1989; Iwamoto et al. 1994; Mazzali et al. 2002). Recently,
the statistical analysis for more than 50 events of CCSNe has
also suggested that the amount of 56Ni is around 0.07Me!at the
median (Prentice et al. 2019). Therefore, in “typical SNe,” on
average !0.07Me of 56Ni should be synthesized.

Figure 7 shows the relation between the energy growth
timescale tgrow and the synthesized 56Ni mass. The gray line
represents the typical 56Ni mass in individual CCSNe, i.e.,
0.07Me. Note that this !gure adopts the deep ejected mass cut
model, which is regarded to produce the maximally allowed
amount of newly synthesized isotopes (see Sections 2.2 and
4.2). It can be clearly seen that there is a decreasing tendency of
M Ni56( ) for increasing tgrow. For MZAMS!=!15Me, the models
with tgrow!=!10–100 ms can reproduce the typical 56Ni mass.
For MZAMS!=!20Me, even the instantaneous explosion model
(tgrow!!!10 ms) does not produce the typical 56 Ni mass. For
MZAMS!=!25Me,

56Ni is synthesized abundantly, and the
condition to produce 0.07Me of 56Ni is satis!ed with a wide
range of tgrow (tgrow!=!10–500 ms). Since !0.07Me of 56Ni
corresponds to the “average” mass ejected in various SNe, we
can see that the explosion models of tgrow!=!10–500 ms are
consistent with the typical 56Ni mass.

The effect of different !nal/total energy on the amount of
56Ni is also shown in Figure 7. The amount of 56Ni is mainly

determined by tgrow and is insensitive to E!nal. Most
importantly, since the synthesized amount of 56Ni roughly
converges for tgrow!!!100 ms regardless of E!nal, it is under-
stood that the synthesis of 56Ni is roughly determined by the
explosion dynamics within 100 ms after the initiation of the
explosion. This result is roughly consistent with the analytical
estimates described in Section 4.1.1 (see also Maeda &
Tominaga 2009). Note that we use the model with
MZAMS!=!20Me and E!nal!=!1.0!!!1051 erg for this discus-
sion, but we have seen the same effect for MZAMS!=!15 and
25Me.
The decreasing trend of M Ni56( ) can be understood as

follows. 56Ni is mainly synthesized by the complete Si-burning
at T!>!5!!!109 K. As can be seen in Figure 4, the peak
temperature reached in the innermost region is decreased for
increasing tgrow. This is also con!rmed by Figure 5. The
argument presented for M Ni56( ) strongly supports the rapid
explosion (tgrow!<!500 ms), and especially the best match is
found for a nearly instantaneous explosion (tgrow " 100 ms).
This result regarding the 56Ni production is consistent with the
!nding by Suwa et al. (2019), where further discussion is given
especially on the connection of the 56Ni production with the
initiation of the explosion.
We should also mention that the “neutrino-driven wind,”

which is the mass out"ow from the PNS surface, may increase
in the amount of 56Ni (Wanajo et al. 2018). However, since the

Table 1
Summary of the Mass Cut Position

MZAMS E!nal �MYe 0.48
a Mcut,10

b Mcut,50
b Mcut,100

b Mcut,200
b Mcut,250

b Mcut,400
b Mcut,500

b Mcut,1000
b Mcut,2000

b

(Me) (1051 erg) (Me) (Me) (Me) (Me) (Me) (Me) (Me) (Me) (Me) (Me)

15 1.0 1.34 1.493 1.493 1.4877 1.437 1.430 1.414 1.410 1.399 1.394
20 1.0 1.09 1.179 1.179 1.167 1.147 1.147 1.158 1.158 1.137 1.168
20 1.5 1.09 1.178 1.178 1.166 1.240 1.219 1.158 1.158 1.136 1.167
20 2.0 1.09 1.177 1.177 1.167 1.278 1.233 1.158 1.158 1.137 1.168
25 1.0 1.12 1.269 1.269 1.263 1.274 1.277 1.273 1.268 1.259 1.254

Notes.
a

�MYe 0.48 is adopted as the mass cut position in the “Deep ejected model.”
b Mcut,X corresponds to the mass cut position in mass coordinate (Mr) in the “EPM ratio model” for �t Xgrow ms.

Figure 7. Energy growth timescale tgrow and the produced 56Ni mass. The left panel shows dependence on MZAMS (for given E!nal!=!1.0!!!1051 erg), while the right
panel shows dependence on E!nal (for givenMZAMS!=!20 Me). The gray line corresponds to the typical amount of �M MNi 0.0756( ) : produced by CCSNe (e.g., SN
1987A, SN 1994I, SN 2002ap; Arnett et al. 1989; Iwamoto et al. 1994; Mazzali et al. 2002).
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→ Rapid (<100 ms) shock expansion is necessary 
to produce 56Ni.

→ Small central entropy (< 0.4 kB/nucleon) is preferable for explosion, and
high entropy (> 0.6 kB/nucleon) in a Si/O layer produces a large explosion energy.



SUMMARY

ü CCSN simulation involves many uncertainties (progenitor model, EOS, ..).

ü Strict numerical solvers suffer from computational cost.

ü Resolution dependence is problematic.

ü Your golden model could be a product of stochasticity... be careful!

ü CfCA computers are really useful to our business!!!


